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内容	

•  星形成銀河のMain Sequence 
•  Fundamental Relation (Z, Mstar, SFR, fgas) 
•  サイズ進化 
•  面分光による内部運動 
•  クランプ銀河とバルジの形成 
•  アウトフロー（フィードバック） 
•  輝線診断（高電離な遠方銀河とAGN） 



星形成銀河のMain Sequence	



Daddi et al. (2007)	

“Main Sequence” of Star Forming Galaxies at z~2	

SFR-M* Relation。しかしscatter大。SMGなどは大きく上に逸脱。	
（傾きは~0.9でほぼ比例関係）	



Daddi et al. (2010)	

Double Sequence in SFE?   “disk” mode + “starburst” mode	

バーストモードは、SFEが高い。 ＩＭＦ? α(CO) ?	

M(H２)	

L(IR) 
=SFR	

L(IR)=SFR	

SFE 
(LIR/MH2)	



Hubble sequence	
Nucleated burst	

ＭＳ銀河はexponential disk銀河で、ＭＳから外れるほど中心集中度が高い	

Wuyts et al. (2011)	

バースト銀河は、銀河中心で星形成が誘発されている	



Wuyts et al. (2011)	

スターバースト銀河 (high-sSFR; MSの上側に逸脱する銀河) 

星形成バースト領域（銀河中心付近）がコンパクトでダスト吸収が強い。 
マージャーの影響?	

SFR(IR) / SFR (UV) が高い傾向 



Fundamental Relation (Z, Mstar, SFR, fgas) 



Fundamental Metallicity Relation	

Mannucci et al. (2010)	

銀河の重元素量は、星質量だけでなく（mass-metallicity relation）、星形成率にも依存する。	
星形成率が高いものは、ガスが多く進化段階が若いため、化学進化があまり進んでいない。	
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2.2.3 H2 gas masses

The CO-to-H2 conversion factor (αCO = MH2/L
′
CO(1-0)) is one of

the main sources of uncertainty in determining the mass of molec-
ular gas from the CO luminosity. The main issues involved in the
determination of αCO, and its dependence on the various galaxy pa-
rameters, are reviewed in Bolatto, Wolfire & Leroy (2013). For our
study, a central concern is the strong dependence of the conversion
factor on metallicity, which can obscure trends between H2 mass
and metallicity. We discuss this issue further in Section 3.3 below. In
this work, we have adopt a metallicity-dependent conversion factor,
as given by Schruba et al. (2012):

log αCO = log(A) + N (12 + log O/H) − 8.7, (1)

with A = 8.2 ± 1.0 and N = −2.8 ± 0.2. This form for αCO is
very similar to that given in other recent works (e.g. Narayanan
et al. 2011; Genzel et al. 2012), especially at the relatively high
metallicities (12 + log O/H > 8.5) probed by our sample.

2.3 Metallicity determination

The determination of the gas metallicity through strong line ratios
has been widely discussed in the literature. Some line ratios involv-
ing bright lines such as [O III] 5007, [O II] 3727, [N II] 6584 and the
Balmer lines are sensitive to the metallicity, although in many cases
with large scatter. The calibration of these ‘strong line ratios’ has
been attempted both using empirical methods (e.g. by exploiting
‘direct’ metallicity tracers) and through photoionization models, or
through mixed methods (see discussion in Kewley & Ellison 2008;
Maiolino et al. 2008). Each of these methods has advantages and
disadvantages, but it is beyond the scope of this paper to discuss
the various metallicity calibrations in detail. Since in this paper we
wish to compare our results with the FMR inferred by Mannucci
et al. (2010), here we adopt the same calibration adopted by those
authors: i.e. the strong line calibrations given in Maiolino et al.
(2008), which use a combination of models and empirical calibra-
tions. In particular, we use the R23 parameter and [N II]/Hα ratio
as metallicity diagnostics, and we follow the same criteria as in

Mannucci et al. (2010), in that we take as the final metallicity the
mean of the metallicities determined using the two methods.

3 R ESULTS

3.1 The FMR and H I content

Fig. 1 shows the mass metallicity relation for our sample of 4253
local galaxies appearing in both the ALFALFA α.40 catalogue and
the SDSS. The grey shaded areas show the region containing 64
and 90 per cent (light grey and dark grey, respectively) of all SDSS
galaxies, as given by Tremonti et al. (2004).

The coloured lines in each panel show the mean metallicity of
ALFALFA galaxies, separated into bins of SFR (left-hand panel)
and H I mass (right-hand panel). Bin sizes are 0.1 dex in H I and
0.15 dex in SFR. Bin sizes were chosen to ensure sufficient numbers
of galaxies in each bin; the number of galaxies per bin ranges from
21 (at the high end of SFR and H I mass) to 841.

The left-hand panel, displaying the mass–metallicity relation sep-
arated into bins of SFR, shows data which are functionally equiva-
lent to the result presented by Mannucci et al. (2010) – albeit with
a smaller sample size. The global trend reported by those authors
is clearly evident, with metallicity increasing with stellar mass and
decreasing with SFR at a constant stellar mass.

In the right-hand panel of Fig. 1, it can immediately be seen that
there is also a strong, systematic influence of H I mass on the mass–
metallicity relation, in much the same way as emerges with the
SFR. At a given stellar mass, galaxies with greater H I masses have
proportionally lower metallicities. This effect can be seen down
to the lowest stellar masses probed [log (M∗/M$) ∼ 8.7] – below
which, the number of galaxies per bin becomes small, and any trends
become unreliable.

Interestingly, the two relations show markedly different be-
haviour at the highest stellar masses. As shown in Fig. 1, and as
noted by Mannucci et al. (2010), the correlation between metallicity
and SFR weakens towards the highest stellar masses, and the most
massive galaxies in the sample [log (M∗/M$) > 10.5] show no cor-
relation between metallicity and SFR. Conversely, the correlation

Figure 1. The mass–metallicity relation for the 4253 ALFALFA galaxies in our sample. The grey shaded areas show the area that contains 64 per cent (light
shaded area) and 90 per cent (dark shaded area) of all SDSS galaxies from the Mannucci et al. (2010) study. The coloured lines show the mean trends for
galaxies in bins of Hα SFR (left-hand panel) and H I mass (right-hand panel). It can be seen that at a constant stellar mass, metallicity is a decreasing function
of both SFR and H I mass.
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Bothwell et al. (2013)	

Fundamental Metallicity Relation	

4,253 local galaxies with HI 21cm (ALFALFA; Arecibo Legacy Fast ALFA survey)	

SFR (Hα, dust corrected) 
O/H ([NII]/Hα, R23)	 See also Lara-Lopez et al. (2013) based on GAMA	

M−Z関係から 
下に行くほど 
ガスが多い 
（大質量でも 
サチらない）	

M−Z関係から 
下に行くほど 
SFRが高い 
（しかし大質量 
でサチる） 
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Figure 5. Plots showing the dispersion in metallicity in the M∗–M(H I) plane (left-hand panel) and the M∗–SFRHα plane (right-hand panel). The red dotted
line in the right-hand panel shows the SFR ‘main sequence’, defined at z = 0 by Elbaz et al. (2007).

the results presented in this work, could suggest that the H I FMR
is the more fundamental relation, with the SFR FMR being best
understood as a byproduct.

In addition, it must be noted that this direct comparison between
the scatter in the SFR FMR and the H I FMR is not entirely fair, since
in the former relation the spectroscopically obtained parameters
(metallicity and SFR) are measured within the same SDSS fibre
aperture, while in the latter relation the H I mass is measured via
integrated 21 cm emission – not from the region sampled by the
metallicity measurements. Compounding this effect is the fact that
H I emission is often found out to large radii, beyond the stellar disc
(see e.g. Cayatte et al. 1994). As a result, it is likely that additional
scatter is added to the H I FMR due to both the mismatched apertures
and the extended H I disc. Unfortunately, we cannot confirm this
directly by extracting the H I mass within the SDSS aperture. We
can, however, attempt a comparison by checking the scatter in the
SFR FMR when using integrated SFRs (as inferred by Brinchmann
et al. 2004), in order to introduce a similar ‘aperture mismatch’
effect to that present in the H I data. In this case, the dispersion
around the SFR FMR is higher (∼0.1 dex), and the relation between
metallicity and SFR is weaker (with α closer to zero). It is likely,
therefore, that if we were to use matched apertures, the lowest scatter
would be evident when considering the H I FMR, further suggesting
that the H I FMR is the more fundamental relation.2

Another way to visualize the scatter in these relationships (with-
out the need to recourse to measure the scatter around fitted func-
tions) is to analyse the metallicity dispersion in the M∗–M(H I) and
the M∗–SFR planes. This is shown in Fig. 5. The 1σ scatter in
metallicity is shown across planes of M∗–SFR (left-hand panel) and
M∗–M(H I) (right-hand panel), with bin sizes as before. The inset
bar shows the scatter colour-coding up to a maximum value of 0.3
dex. In order to avoid misleading dispersions at the edges of the dis-
tributions caused by small-number statistics, only bins containing
≥10 galaxies have been plotted.

2 See Appendix A for a discussion of fibre-based aperture effects relevant
to SDSS metallicity measurements.

It is interesting to note that the metallicity dispersion is
low (around or below 0.1 dex) for intermediate stellar masses
[9 < log (M∗/M$) < 11] and H I gas masses [log (MH I/M$) >

9.5−10], which may suggest that this region of the diagram is
predominantly populated by galaxies evolving smoothly, in equi-
librium between SFR, gas inflow and outflow. In contrast, massive
galaxies, with log (M∗/M$) ≈ 11 or higher, appear to have much
higher metallicity dispersion, approaching 0.2 dex. Such a large
dispersion may reveal that massive galaxies are subject to a larger
fraction of (minor) merging/interactions, which make the metal-
licity deviate from the ‘regular’ behaviour characterizing secularly
evolving galaxies.

The region with low stellar and gas masses is also characterized
by a rapidly increasing dispersion. This property of low-mass galax-
ies is likely a consequence of the fact that the accretion of H I clouds
(responsible for the dilution of metals) cannot any longer be con-
sidered as continuous smooth events for low-mass galaxies, since
the mass of individual infalling clouds is likely comparable with
the mass of gas already contained in the galaxy, hence producing a
discontinuous and scattered behaviour.

3.3 The FMR and H2 content

Fig. 6 shows the mass–metallicity relation for the 62 local galax-
ies in our sample that have been observed in CO. These include
galaxies in the COLDGASS sample, which appear in the SDSS
(and therefore have metallicities, stellar masses and SFRs calcu-
lated identically as for the ALFALFA sample above), as well as
other galaxies from the literature. These two samples are differen-
tiated by plotting with full and empty symbols (respectively). In
addition, nine high-z SMGs with stellar masses, CO observations
and [N II]λ6584/Hα metallicities are also plotted as square sym-
bols. Both panels show the mass–metallicity relation, with different
colour-coding; the left-hand panel shows the mass–metallicity re-
lation colour-coded with H2 mass, while the right-hand panel the
relation colour-coded with H I mass.

It can be seen that there is no apparent trend in metallicity between
molecular gas-rich and gas-poor galaxies. Unfortunately, due to the
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main sequence	

4,253 local galaxies with HI 21cm (ALFALFA; Arecibo Legacy Fast ALFA survey)	

Fundamental Relation	

MSの上側 
ほどZが低い	

fgasが大きい 
ほどZが低い	
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Main Sequenceからの距離の関数として、分子ガス割合も、星形成効率も、共に高くなる。	

Saintonge et al. (2012)	

Main Sequence （SFR−M*）ダイアグラム上での 
星形成効率（SFE）と分子ガスの割合	

SFE = SFR / Mgas	

 
(sSFR = SFR / Mstar) 

SFE	

fgas	
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Figure 6. Left: correlation between specific star formation rate (sSFR = SFR/M∗) and molecular gas fraction, for the 50 PHIBSS z = 1–1.5 SFGs (including Daddi
et al. 2010a; + Magnelli et al. 2012b: filled black circles) and the z = 2–2.5 detections (crossed red squares, arrows denoting possible corrections for metallicity). The
dashed curve is the best-fit relation of Equation (3) with a constant depletion timescale of 7 × 108 yr. Right: a different representation of the same relation, where we
plot log(Mmol-gas/M∗) vs. log(sSFR). The blue squares denote binned averages of the data, with horizontal and vertical bars denoting dispersion and uncertainty of
the median. The solid line indicates the best fit with slope 0.7 (±0.2); points and dashed line are the same as in the left panel. The dispersion of these relations about
the best fit with constant depletion time is ±0.24 dex.
(A color version of this figure is available in the online journal.)

Table 3
Ratio of vrot/σ 0 in High-z SFGs

〈vrot〉 〈σ0〉 〈vrot/σ0〉 References
(km s−1) (km s−1)

Hα IFU z = 1–2.5, 237 (±37) 50 (±16) 4.7 (±1.8) Genzel et al. (2008), Förster Schreiber et al. (2009,
logM∗>10.4 (N = 18) 2012), Epinat et al. (2012)
Cosmic eyelash z = 2.33 320 (±25) 50 (±10) 6.4 (±1.4) Swinbank et al. (2011)
CO 1–0/6–5
EGS12007881 z = 1.17 232 (±46) 32 (±6) 7.3 (±2.0) This paper, Combes et al. (2013b, in preparation)
CO 3–2
EGS13003805 z = 1.23 350 (±71) 46 (±11) 7.8 (±2.2) This paper, Combes et al. (2013b, in preparation)
CO 3–2
EGS13004291 z = 1.197 260 (±66) 51 (±8) 5.1 (±1.5) This paper, Combes et al. (2013b, in preparation)
CO 3–2
EGS13011166 z = 1.53 370 (±60) 55 (±8) 6.7 (±1.5) This paper, Genzel et al. 2013
CO 3–2
EGS13011166 z = 1.53 370 (±60) 65 (±15) 5.7 (±1.6) This paper, Genzel et al. 2013
Hα

EGS13019128 z = 1.35 170 (±40) 28 (±8) 6.1 (±2) This paper, Combes et al. (2013b, in preparation)
CO 3–2
EGS13035123 z = 1.12 210 (±30) 22 (±6) 9.5 (±3) This paper, Tacconi et al. (2010)
CO 3–2

relation is quite tight. A weighted bivariate fit without restricting
the slope to all z= 1–3 SFGs with {12 + log(O/H) > 8.6} yields
logΣstar form = −3.01(±0.32) + 1.05(±0.11)∗logΣmol gas. Fitting
only the z = 1–1.5 data, or fitting with a standard least-squares
technique, gives similar results with inferred slopes ranging
between 0.8 and 1.15, each with a formal 1σ uncertainty of about
±0.15. A corresponding bivariate fit to all 93 z = 0 near-main
sequence SFGs in Figure 7 yields logΣstar form = −3.5(±0.1)
+ 1.1(±0.05)∗logΣmol gas.

An intrinsic slope significantly steeper than unity would be
required if the conversion factor α decreases systematically

with Σmol gas. Such a trend is plausible if larger surface den-
sities correlate with high temperature (see the discussion in
Appendix A and Figure 10 of Tacconi et al. 2008, and in
Kennicutt & Evans 2012). For instance, if the conversion factor
changes from the Milky Way value (α = 4.36) at logΣmol gas =
2 to the “ULIRG” value (α ∼ 1) at logΣmol gas = 4, then the
resulting slope of the relation in Figure 7 would be N = 1.2.

In the case of the massive, clumpy rotating disk
EGS13011166 (z = 1.53, Figure 2(c), upper right, left in mid-
dle row of Figure 4), we have data cubes of CO 3–2 and Hα
(from LUCI on the LBT) at a similar resolution of ∼0.′′7 FWHM
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EGS13011166), the half-mass radius is smaller than that of the
gas and current star formation (as traced by CO and Hα). This is
consistent with Nelson et al. (2012), who found R(Hα)/R(stars)
∼ 1.3 for a sample of 57 z ∼ 1 SFGs in the 3D-HST survey.
In the case of BX610, the Hα and J-band distributions appear
to come from an inclined ring rotating around the central gas-
rich region, within which a red bulge is embedded. The more
compact stellar mass distributions thus are probably the result
of significant older bulges embedded in younger star-forming
disks.

3.1.2. Ratio of Rotation to Random
Motions: z > 1 SFGs are Turbulent

A generic characteristic of all z > 1 SFGs is an extended
“floor” of large local velocity dispersion in their Hα velocity
fields, 〈σ 0〉 ∼ 30–100 km s−1 (after removal of beam-smeared
orbital motion and instrumental resolution), so that the ratio of
rotational motion to velocity dispersion is typically ∼5 (for the
same stellar mass range as for the sample in this paper, log M∗ ∼
10.4–11.5; Genzel et al. 2008, 2011; Förster Schreiber et al.
2009; N. M. Förster Schreiber et al., in preparation; Law et al.
2009, 2012a; Epinat et al. 2009, 2012; Wisnioski et al. 2011,
2012). High-z ionized gas disks are turbulent and geometrically
thick. The UV-light distributions of edge-on “chain” galaxies
also indicate z-scale heights (∼1 kpc) comparable to those of
the ionized gas (Elmegreen & Elmegreen 2006). An important
question then is whether the large turbulence is a characteristic
of the entire gas layer, or only of the ionized gas and stellar light.

In the lensed “eyelash” system (J2135−0102, z = 2.33),
Swinbank et al. (2011) found that the spatially resolved molec-
ular velocity dispersion is 50 ± 10 km s−1, comparable to that
of the ionized gas. The high-resolution data sets of our sample
allow for the first time to make such measurements for a larger
set of galaxies, with the same methods as, for instance, applied
in Genzel et al. (2008, 2011) and Davies et al. (2011). Briefly,
Gaussian profiles are fitted to each spatial pixel. For a spatially
resolved, rotating disk with a constant floor of velocity disper-
sion, the effect of beam-smeared rotation is minimized along
the line of nodes in the outer parts of the galaxy. The average
velocity dispersion measured in this region, after correction for
the instrumental resolution, is a good estimate of the intrinsic
local velocity dispersion (Davies et al. 2011), although for the
∼4–8 kpc linear resolution of our CO maps there may be some
residual beam smearing effects in the velocity dispersion esti-
mates. Table 3 summarizes the results for these sources. The full
analysis will be presented in F. Combes et al. (in preparation)
and Freundlich et al. (2013).

To first order, the velocity dispersions and vc/σ 0 ratios in
CO and those in Hα agree. There may be a slight trend for
the average values of vrot/σ 0 to be somewhat larger for the
molecular gas than for the ionized gas (∼7 compared to ∼5).
The difference is marginally significant, given the dispersions
of the respective distributions (each ∼±1.7). Rotating disks at
z ∼ 0 have vrot/σ 0 ∼ 10–20 (Dib et al. 2006). Large random
motions indeed appear to be an intrinsic property of the entire
ISM of high-z SFGs.

3.2. Specific Star Formation Scales with Gas Fraction

Of the various scaling relations between gas and galaxy
properties that we will discuss in this paper, the relationship
between sSFR and gas fraction, defined as Mmol gas/(Mmol gas +
M∗) (or the ratio Mmol gas/M∗), has the lowest scatter. This is
shown in the left and right panels of Figure 6. Specific star

formation rate, sSFR = SFR/M∗, and molecular gas fraction
fmol gas are related through

fmol gas =
Mmol gas

Mmol gas + M∗
= 1

(1 + [sSFR × tdepl]−1)
, (3)

where tdepl = Mmol gas/SFR. The z = 1–1.5 data points (filled
black circles) are very well fit by Equation (3) with a constant
depletion timescale (tdepl ∼ 7 × 108 yr). The fewer z =
2–2.5 points (crossed red squares) are consistent with the same
relation but the scatter is larger, perhaps in part because of
the metallicity dependence of the conversion factor for 5 of
the 15 data points (Genzel et al. 2012). The strong trend is
seen even more clearly in the right panel of Figure 6, where
we plot the ratio of molecular gas mass to stellar mass as a
function of sSFR. The best-fit relation has a slope of 0.7 (±0.2)
and a dispersion of ±0.24 dex around this fit. Formally, the
systematic uncertainties in sSFR and gas to stellar fractions are
±0.2 dex and ±0.25 dex (see discussion in Erb et al. 2006;
Förster Schreiber et al. 2009; Genzel et al. 2010). These values
are comparable to the residual scatter in Figure 6, suggesting that
the intrinsic correlation between sSFR and gas fraction is even
tighter. The offset from the mean main sequence for z ∼ 1–2.5
SFGs thus is largely controlled by how gas rich a given galaxy
is. Magdis et al. (2012) reach a similar conclusion based on
a completely independent method of determining dust masses
from Herschel far-infrared SEDs, and inferring gas masses and
fractions from the mass–metallicity relation and the relation of
Leroy et al. (2011) between metallicity and gas-to-dust ratio in
z ∼ 0 SFGs.

In addition, galaxies above the main sequence also have
smaller depletion timescales (Kennicutt & Evans 2012;
Saintonge et al. 2012). This is demonstrated most clearly by
observations of z ∼ 0–4 galaxies far above (factor 5–10) the
main-sequence line. Most objects in this region appear to be
dominated by short-lived starburst events with ∼5–50 times
smaller depletion timescales than in the main-sequence SFGs
(Daddi et al. 2010b; Genzel et al. 2010; Magnelli et al. 2012a).
Many of the most luminous submillimeter galaxies (SMGs) at
z ∼ 1–4 also appear to be representatives of this “starburst” or
“merger” mode (Engel et al. 2010; Tacconi et al 2008). Corrected
for their ∼4 times smaller CO-conversion factors, these extreme
SMGs have molecular gas fractions comparable to their main-
sequence cousins (Greve et al. 2005; Tacconi et al. 2008; Engel
et al. 2010; Bothwell et al. 2013). In the z ∼ 0 COLDGASS sur-
vey, SFGs near the main sequence may also exhibit an inverse
correlation between depletion timescale and sSFR, although this
correlation is weaker than the trend with gas fraction (Saintonge
et al. 2011b, 2012).

3.3. The KS Relation at z = 1–3 is Near Linear

The much larger sample of z ∼ 1–3 SFGs in this paper
(as compared to that in Genzel et al. 2010 and Daddi et al.
2010b) allows us to revisit the discussion of the molecular KS
relation (Kennicutt 1998a; Kennicutt & Evans 2012). Figure 7
shows the results. The 50 CO detections are now sufficient to
determine independently the slope of the z = 1–1.5 relation,
and not just the intercept, as in the 2010 papers. It is apparent
that this data set is well fit by a linear KS relation (Σstar form =
Σmol gas/(0.7 (± 0.05) Gyr)). Within the uncertainties, the z ∼
2–3 SFGs lie on the same relation. The dispersion around a
linear relation is ±0.25 dex, which is comparable to the total
measurement uncertainties, again suggesting that the intrinsic
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Figure 3. Surface density profiles from z = 2.5 to z = 0, as measured from averaged, PSF-corrected rest-frame g-band images in each redshift bin. The horizontal axis
is linear in (a) and logarithmic in (b). The galaxy image is randomly chosen from our SDSS sample to illustrate the radial extent of the profiles. The main evolution
is in normalization, which is determined by MMW(z) (Equation (1)). The profile shapes are very similar from z ∼ 2.5 to z ∼ 1, which implies that the galaxies are
building up mass at all radii. After z ∼ 1 the central regions gradually stop growing but the disk continues to build up.
(A color version of this figure is available in the online journal.)

It is clear from Figure 2 that present-day galaxies with the
mass of the Milky Way have changed over cosmic time. The
most obvious change is that galaxies became redder with time,
particularly after z ∼ 1, indicative of a decrease in the specific
SFR. The galaxies also appear brighter at lower redshift in
Figure 2, reflecting the mass evolution of Equation (1). A
striking aspect of this change in brightness, and a central result
of this Letter, is that the bulges appear to change nearly as
much as the disks, particularly at z > 1. We do not see high-
density “naked bulges” at z ∼ 2 around which disks gradually
assembled. Instead, the central densities at z ∼ 2 were much
lower than the central densities at z ∼ 0. We quantify this result
in the remainder of the Letter.

3.2. Evolution of Surface Density Profiles

We first analyze the surface density profiles of the galaxies,
in order to study their mass growth as a function of radial
distance from their centers. Following van Dokkum et al. (2010)
we measured the profiles from stacked images to increase the
signal-to-noise ratio. The galaxies were grouped in six bins
with mean redshifts 0.015, 0.60, 1.0, 1.5, 2.0, and 2.4. Each bin
contains 40–90 galaxies. The rest-frame u- and g-band images
in each bin were normalized and stacked, aggressively masking
all neighboring objects.

The image stacks were corrected for the effects of the
point-spread function (PSF) following the method outlined in
Szomoru et al. (2010). First, a two-dimensional Sérsic (1968)
model, convolved with the PSF, was fit to the stacks using the
GALFIT code (Peng et al. 2010). Then the residuals of this
fit were added to the unconvolved Sérsic model. As shown
in Szomoru et al. (2010), this method reconstructs the true
flux distribution with high fidelity, even for galaxies that are
poorly fit by Sérsic profiles. The resulting radial surface density
profiles are shown in Figure 3. The profiles are derived from the

rest-frame g-band images and scaled such that the total mass
within a diameter of 50 kpc is equal to MMW(z). Error bars were
determined from bootstrapping (see van Dokkum et al. 2010).
We note here that the u − g color gradients of the stacks are
small (≈0.1 dex−1) at all redshifts, consistent with other studies
(e.g., Szomoru et al. 2013).

There is strong evolution in the overall normalization of the
profiles from z = 2.5 to z = 1 and less evolution thereafter,
reflecting the mass evolution of Equation (1). The evolution
from z = 2.5 to z = 1 is strikingly uniform: the profiles are
roughly parallel to one another in Figure 3(b), and rather than
assembling only inside out the galaxies increase their mass at
all radii. This is in marked contrast to more massive galaxies,
which form their cores early and exclusively build up their outer
parts over this redshift range (see Figure 6 in van Dokkum
et al. 2010 and Figure 6 in Patel et al. 2013). After z ∼ 1,
the evolution in the central parts slows down but the outer
parts continue to build up, consistent with the visual impression
that around this time the classical “quiescent bulge and star-
forming disk” structure of spiral galaxies was established (see
Figure 2).

3.3. Mass Growth at Different Radii

We explicitly show the mass growth at different radii in
Figure 4(a). From z = 2.5 to z = 1, the mass outside of
r = 2 kpc increased by 0.8 ± 0.1 dex and the mass inside
2 kpc increased by 0.5 ± 0.1 dex. Although the mass evolution
is slightly faster at large radii than at small radii, the trend is
qualitatively different from that seen in more massive galaxies:
after z ∼ 2 the mass within 2 kpc is constant to within 0.1 dex for
galaxies with log(M/M$)(z = 0) = 11.2 (see Figure 7 of Patel
et al. 2013). At later times the central mass growth decreases:
from z = 1 to z = 0 the mass within 2 kpc grows by only
0.09 ± 0.04 dex.
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Figure 6. Top panels: average radial surface density profiles of galaxies with a number density of 2 × 10−4 Mpc−3 as a function of redshift. The data points were
measured from the deconvolved stacked images. Error bars are 68% confidence limits derived from bootstrapping the stacks. The same data are shown vs. radius (left
panel) and log radius (right panel). Small boxes above the panels indicate the pixel size of 0.′′3. There is a clear trend with redshift: at small radii the profiles overlap,
but at large radii the profiles get progressively steeper with redshift. Lines show the best-fitting Sersic profiles, determined from fitting PSF-convolved models to the
original (not deconvolved) stacked images. Bottom panels: cumulative mass as a function of radius, as implied by the best-fitting Sersic profiles. The vertical axis is in
units of the total mass at z = 0 within a 150 kpc diameter aperture. Note that the normalization of the profiles is not a free parameter but follows from the requirement
that the total mass within this aperture is equal to Mn(z) (Equation (1)). The mass growth of galaxies of this number density is dominated by the buildup of the outer
envelope, at radii !5 kpc.
(A color version of this figure is available in the online journal.)

ences in the measured effective radii were <10% at all redshifts.
The deconvolution was done with a combination of the Lucy–
Richardson algorithm (Lucy 1974) and σ -CLEAN (Högbom
1974; Keel 1991), ensuring flux conservation. Lucy works well
for extended low surface brightness emission but does not op-
timally recover the flux in the central pixels (see, e.g., Griffiths
et al. 1994), whereas CLEAN quickly converges in the central
regions but leads to strong amplification of noise in areas of low
surface brightness. In practice, we applied a smoothly varying
weight function to combine the CLEAN and Lucy reconstruc-
tions, giving a weight of 1 to CLEAN in the central pixels and
a weight of 1 to Lucy at radii >3 pixels. In the transition region
the form of the weight function was determined by the require-
ment to conserve total flux. We note that we use the deconvolved
images for illustrative purposes only, as we later quantify the
evolution by fitting Sersic (1968) profiles to the original, PSF-
convolved images. The deconvolved images are shown below
the original stacks in Figure 5. Profiles derived from these im-
ages are shown in red in the bottom panels of Figure 5.

It is immediately obvious from the deconvolved images
and the radial profiles that the galaxies are smaller at higher
redshift.11 Furthermore, the central parts of the galaxies are
fairly similar: at all redshifts there is a bright core but only at
lower redshifts this core is surrounded by extended emission.

11 Note that this trend is somewhat exaggerated going from z = 0.6 to
z = 1.1, as the flux is shown as a function of radius in arcseconds rather than
kpc in Figure 5.

This is a key result of the paper and it is quantified in the sections
below. Here it is illustrated by the red contours in Figure 5. The
inner (dotted) contour shows the radius at which the surface
brightness is 5% of the peak value. This radius is very similar at
all redshifts. The outer (solid) contour shows the radius where
the surface brightness if 0.5% of the peak. This radius is much
larger at low redshift than at high redshift. Together, the two
contours demonstrate that the shape of the profile changes with
redshift, with the core of present-day massive galaxies mostly
in place at z = 2 but the outer parts building up gradually over
time.

3.3. Surface Density Profiles

When color gradients are ignored, the deconvolved radial
profiles can be interpreted as stellar mass surface density
profiles. The median mass of the galaxies in each of the stacks
is determined by our constant number density selection, and the
calibration of the profiles follows from the requirement that

∫ 75

0
2πrΣ(r)dr = Mn, (2)

with r in kpc, Σ(r) the radial surface density profile in units
of M$ kpc−2, and Mn given by Equation (1). It is implicitly
assumed that the total stellar mass in our catalog equals the
mass within a 150 kpc diameter aperture (see Section 2.2).
Figure 6 shows the radial surface density profiles as a function
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Figure 6. Top panels: average radial surface density profiles of galaxies with a number density of 2 × 10−4 Mpc−3 as a function of redshift. The data points were
measured from the deconvolved stacked images. Error bars are 68% confidence limits derived from bootstrapping the stacks. The same data are shown vs. radius (left
panel) and log radius (right panel). Small boxes above the panels indicate the pixel size of 0.′′3. There is a clear trend with redshift: at small radii the profiles overlap,
but at large radii the profiles get progressively steeper with redshift. Lines show the best-fitting Sersic profiles, determined from fitting PSF-convolved models to the
original (not deconvolved) stacked images. Bottom panels: cumulative mass as a function of radius, as implied by the best-fitting Sersic profiles. The vertical axis is in
units of the total mass at z = 0 within a 150 kpc diameter aperture. Note that the normalization of the profiles is not a free parameter but follows from the requirement
that the total mass within this aperture is equal to Mn(z) (Equation (1)). The mass growth of galaxies of this number density is dominated by the buildup of the outer
envelope, at radii !5 kpc.
(A color version of this figure is available in the online journal.)

ences in the measured effective radii were <10% at all redshifts.
The deconvolution was done with a combination of the Lucy–
Richardson algorithm (Lucy 1974) and σ -CLEAN (Högbom
1974; Keel 1991), ensuring flux conservation. Lucy works well
for extended low surface brightness emission but does not op-
timally recover the flux in the central pixels (see, e.g., Griffiths
et al. 1994), whereas CLEAN quickly converges in the central
regions but leads to strong amplification of noise in areas of low
surface brightness. In practice, we applied a smoothly varying
weight function to combine the CLEAN and Lucy reconstruc-
tions, giving a weight of 1 to CLEAN in the central pixels and
a weight of 1 to Lucy at radii >3 pixels. In the transition region
the form of the weight function was determined by the require-
ment to conserve total flux. We note that we use the deconvolved
images for illustrative purposes only, as we later quantify the
evolution by fitting Sersic (1968) profiles to the original, PSF-
convolved images. The deconvolved images are shown below
the original stacks in Figure 5. Profiles derived from these im-
ages are shown in red in the bottom panels of Figure 5.

It is immediately obvious from the deconvolved images
and the radial profiles that the galaxies are smaller at higher
redshift.11 Furthermore, the central parts of the galaxies are
fairly similar: at all redshifts there is a bright core but only at
lower redshifts this core is surrounded by extended emission.

11 Note that this trend is somewhat exaggerated going from z = 0.6 to
z = 1.1, as the flux is shown as a function of radius in arcseconds rather than
kpc in Figure 5.

This is a key result of the paper and it is quantified in the sections
below. Here it is illustrated by the red contours in Figure 5. The
inner (dotted) contour shows the radius at which the surface
brightness is 5% of the peak value. This radius is very similar at
all redshifts. The outer (solid) contour shows the radius where
the surface brightness if 0.5% of the peak. This radius is much
larger at low redshift than at high redshift. Together, the two
contours demonstrate that the shape of the profile changes with
redshift, with the core of present-day massive galaxies mostly
in place at z = 2 but the outer parts building up gradually over
time.

3.3. Surface Density Profiles

When color gradients are ignored, the deconvolved radial
profiles can be interpreted as stellar mass surface density
profiles. The median mass of the galaxies in each of the stacks
is determined by our constant number density selection, and the
calibration of the profiles follows from the requirement that
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with r in kpc, Σ(r) the radial surface density profile in units
of M$ kpc−2, and Mn given by Equation (1). It is implicitly
assumed that the total stellar mass in our catalog equals the
mass within a 150 kpc diameter aperture (see Section 2.2).
Figure 6 shows the radial surface density profiles as a function
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that the total mass within this aperture is equal to Mn(z) (Equation (1)). The mass growth of galaxies of this number density is dominated by the buildup of the outer
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ences in the measured effective radii were <10% at all redshifts.
The deconvolution was done with a combination of the Lucy–
Richardson algorithm (Lucy 1974) and σ -CLEAN (Högbom
1974; Keel 1991), ensuring flux conservation. Lucy works well
for extended low surface brightness emission but does not op-
timally recover the flux in the central pixels (see, e.g., Griffiths
et al. 1994), whereas CLEAN quickly converges in the central
regions but leads to strong amplification of noise in areas of low
surface brightness. In practice, we applied a smoothly varying
weight function to combine the CLEAN and Lucy reconstruc-
tions, giving a weight of 1 to CLEAN in the central pixels and
a weight of 1 to Lucy at radii >3 pixels. In the transition region
the form of the weight function was determined by the require-
ment to conserve total flux. We note that we use the deconvolved
images for illustrative purposes only, as we later quantify the
evolution by fitting Sersic (1968) profiles to the original, PSF-
convolved images. The deconvolved images are shown below
the original stacks in Figure 5. Profiles derived from these im-
ages are shown in red in the bottom panels of Figure 5.

It is immediately obvious from the deconvolved images
and the radial profiles that the galaxies are smaller at higher
redshift.11 Furthermore, the central parts of the galaxies are
fairly similar: at all redshifts there is a bright core but only at
lower redshifts this core is surrounded by extended emission.

11 Note that this trend is somewhat exaggerated going from z = 0.6 to
z = 1.1, as the flux is shown as a function of radius in arcseconds rather than
kpc in Figure 5.

This is a key result of the paper and it is quantified in the sections
below. Here it is illustrated by the red contours in Figure 5. The
inner (dotted) contour shows the radius at which the surface
brightness is 5% of the peak value. This radius is very similar at
all redshifts. The outer (solid) contour shows the radius where
the surface brightness if 0.5% of the peak. This radius is much
larger at low redshift than at high redshift. Together, the two
contours demonstrate that the shape of the profile changes with
redshift, with the core of present-day massive galaxies mostly
in place at z = 2 but the outer parts building up gradually over
time.

3.3. Surface Density Profiles

When color gradients are ignored, the deconvolved radial
profiles can be interpreted as stellar mass surface density
profiles. The median mass of the galaxies in each of the stacks
is determined by our constant number density selection, and the
calibration of the profiles follows from the requirement that

∫ 75

0
2πrΣ(r)dr = Mn, (2)

with r in kpc, Σ(r) the radial surface density profile in units
of M$ kpc−2, and Mn given by Equation (1). It is implicitly
assumed that the total stellar mass in our catalog equals the
mass within a 150 kpc diameter aperture (see Section 2.2).
Figure 6 shows the radial surface density profiles as a function
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Figure 3. Surface density profiles from z = 2.5 to z = 0, as measured from averaged, PSF-corrected rest-frame g-band images in each redshift bin. The horizontal axis
is linear in (a) and logarithmic in (b). The galaxy image is randomly chosen from our SDSS sample to illustrate the radial extent of the profiles. The main evolution
is in normalization, which is determined by MMW(z) (Equation (1)). The profile shapes are very similar from z ∼ 2.5 to z ∼ 1, which implies that the galaxies are
building up mass at all radii. After z ∼ 1 the central regions gradually stop growing but the disk continues to build up.
(A color version of this figure is available in the online journal.)

It is clear from Figure 2 that present-day galaxies with the
mass of the Milky Way have changed over cosmic time. The
most obvious change is that galaxies became redder with time,
particularly after z ∼ 1, indicative of a decrease in the specific
SFR. The galaxies also appear brighter at lower redshift in
Figure 2, reflecting the mass evolution of Equation (1). A
striking aspect of this change in brightness, and a central result
of this Letter, is that the bulges appear to change nearly as
much as the disks, particularly at z > 1. We do not see high-
density “naked bulges” at z ∼ 2 around which disks gradually
assembled. Instead, the central densities at z ∼ 2 were much
lower than the central densities at z ∼ 0. We quantify this result
in the remainder of the Letter.

3.2. Evolution of Surface Density Profiles

We first analyze the surface density profiles of the galaxies,
in order to study their mass growth as a function of radial
distance from their centers. Following van Dokkum et al. (2010)
we measured the profiles from stacked images to increase the
signal-to-noise ratio. The galaxies were grouped in six bins
with mean redshifts 0.015, 0.60, 1.0, 1.5, 2.0, and 2.4. Each bin
contains 40–90 galaxies. The rest-frame u- and g-band images
in each bin were normalized and stacked, aggressively masking
all neighboring objects.

The image stacks were corrected for the effects of the
point-spread function (PSF) following the method outlined in
Szomoru et al. (2010). First, a two-dimensional Sérsic (1968)
model, convolved with the PSF, was fit to the stacks using the
GALFIT code (Peng et al. 2010). Then the residuals of this
fit were added to the unconvolved Sérsic model. As shown
in Szomoru et al. (2010), this method reconstructs the true
flux distribution with high fidelity, even for galaxies that are
poorly fit by Sérsic profiles. The resulting radial surface density
profiles are shown in Figure 3. The profiles are derived from the

rest-frame g-band images and scaled such that the total mass
within a diameter of 50 kpc is equal to MMW(z). Error bars were
determined from bootstrapping (see van Dokkum et al. 2010).
We note here that the u − g color gradients of the stacks are
small (≈0.1 dex−1) at all redshifts, consistent with other studies
(e.g., Szomoru et al. 2013).

There is strong evolution in the overall normalization of the
profiles from z = 2.5 to z = 1 and less evolution thereafter,
reflecting the mass evolution of Equation (1). The evolution
from z = 2.5 to z = 1 is strikingly uniform: the profiles are
roughly parallel to one another in Figure 3(b), and rather than
assembling only inside out the galaxies increase their mass at
all radii. This is in marked contrast to more massive galaxies,
which form their cores early and exclusively build up their outer
parts over this redshift range (see Figure 6 in van Dokkum
et al. 2010 and Figure 6 in Patel et al. 2013). After z ∼ 1,
the evolution in the central parts slows down but the outer
parts continue to build up, consistent with the visual impression
that around this time the classical “quiescent bulge and star-
forming disk” structure of spiral galaxies was established (see
Figure 2).

3.3. Mass Growth at Different Radii

We explicitly show the mass growth at different radii in
Figure 4(a). From z = 2.5 to z = 1, the mass outside of
r = 2 kpc increased by 0.8 ± 0.1 dex and the mass inside
2 kpc increased by 0.5 ± 0.1 dex. Although the mass evolution
is slightly faster at large radii than at small radii, the trend is
qualitatively different from that seen in more massive galaxies:
after z ∼ 2 the mass within 2 kpc is constant to within 0.1 dex for
galaxies with log(M/M$)(z = 0) = 11.2 (see Figure 7 of Patel
et al. 2013). At later times the central mass growth decreases:
from z = 1 to z = 0 the mass within 2 kpc grows by only
0.09 ± 0.04 dex.
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van Dokkum et al. (2010)	 van Dokkum et al. (2013)	

Mstars= 5 × 1010 M◉ (z=0) 
Ncomoving（＞M）=1.1 × 10-3 Mpc-3	

Mstars= 3 × 1011 M◉ (z=0) 
Ncomoving（＞M）= 2 × 10-4 Mpc-3	

Evolution of surface stellar-mass profiles	
巨大銀河（楕円銀河など）	 銀河系クラス	

inside-out growth!	
z>1ではバルジもディスクも同時に進化。 
その後はディスクのみ引き続き進化する。	

しかし、Wuyts et al. (2012)は年齢勾配を指摘。	
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Fig. 4.— Stellar mass–size relation of the HAEs at z=2.2 and 2.5 with H160 < 24 (green circles), and with H160 = 24− 26 (gray points).
The blue solid and dashed curves indicate the local relation for late-type galaxies and its 1σ scatter, respectively (Shen et al. 2003). The
red solid line shows the local relation for early-type galaxies. Orange line represent the typical location of the compact quiescent galaxies at
z = 1.5− 2.0 (Newman et al. 2012a). Blue and red circles exhibit the two compact HAEs, SXDF-NB209-17 and SXDF-NB2315-7 (Section
4.2).

non-clumpy galaxies when discussing the measurements
of their sizes.

It is found that 74% of them have disk-like morpholo-
gies where their Sérsic indices lie close to unity (n < 2).
The median value of n for the HAEs is n = 1.2. Other
studies have also shown that high-redshift star-forming
galaxies tend to have disk-like morphologies with n ! 1
(e.g., Yuma et al. 2012; Targett et al. 2013). The other
fourth part of our sample exhibits a high Sérsic index of
n >2 indicative of bulge-dominated morphologies.

Figure 4 shows the stellar mass–size relation of our
HAEs at z=2.2 and 2.5, compared to the local relation
(Shen et al. 2003). This diagram is a powerful tool to in-
vestigate the size evolution of galaxies. We fit the mass-
size relation of log re=γ + β(log M∗ − 11) to our HAEs,
that gives γ = 0.58 and β = 0.28. Most of the HAEs
with M∗ > 1010M" are distributed within the 1σ range
of the local relation for late-type galaxies although the
star formation activities of our HAEs are significantly
higher (SFR=5–400 M"yr−1) than those of local disk
galaxies. This trend is consistent with the universal re-
lation, which does not show a size evolution at a given
mass, as reported by Ichikawa et al. (2012) and Stott
et al. (2013). On the other hand, less massive HAEs
are slightly smaller than the local relation. Even if faint

galaxies with H160 = 24–26 (gray points in Figure 4)
are included in the sample, such trend is not changed.
Some other processes other than secular processes are
needed for these less massive HAEs to evolve to local
star-forming/quiescent galaxies. We also find two mas-
sive, compact HAEs, and we will discuss these interesting
objects in detail in Section 4.2.

4. RESULT

4.1. Dusty star-forming clump
A lot of HAEs at z > 2 have kilo-parsec scale clumps

as shown in Figure 1. The fate of those clumps is an
important issue and a matter of hot debate in relation
to the bulge formation of galaxies. In the numerical
simulations, clumps formed in rotational disks can mi-
grate toward galaxy centers as a result of their mutual
interactions and of dynamical friction against the host
disk, and coalesce into central young bulges (Ceverino
et al. 2010; Inoue & Saitoh 2012). This is a very effi-
cient process to carry a large amount of gas from the
galactic disks to the bulge components. On the other
hand, the momentum-driven galactic winds due to mas-
sive stars and supernova, can disrupt giant clumps with
Mclump = 108−9M" before they migrate towards galaxy
centers (Genel et al. 2012). Genzel et al. (2011) and
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Fig. 8.— H160-band images (top) and SEDs (bottom) of two
massive compact star-forming galaxies SXDF-NB209-17 (left) and
NB2315-7 (right). Red symbols and blue spectra indicate the ob-
served SEDs and the best-fit SED models by Bruzual & Charlot
(2003), respectively.

of SXDF-NB2315-7 is still high despite of its large stel-
lar mass of M∗ > 1011M". Next, we evaluate the gas
mass of HAEs from ΣSFR with the assumption of the
Kennicutt-Schmidt relation, ΣSFR = (2.5 × 10−4)Σ1.4

gas

(Kennicutt 1998). While most of the HAEs show high
gas fractions of ∼ 0.5, which is consistent with the direct
measurements of gas fraction in star-forming galaxies at
z ∼ 2 based on the CO observations (Tacconi et al. 2010;
Daddi et al. 2010), the gas fractions of the two nuggets
are clearly much lower, especially for SXDF-NB209-17.
This further supports the idea that they are in the tran-
sitional phase from star-forming to quiescent galaxies.

Also, the SED from UV to near-infrared indicates an
old stellar population with the age of 1.0 Gyr in SXDF-
NB209-17, while SXDF-NB2315-7 is likely to be a young
dusty star-bursting galaxy with the age of 0.5 Gyr and
dust extinction of 2.0 mag in AV (Figure 8). These re-
sults suggest that both of them are good candidates for
the progenitors of red nuggets at z = 1.5− 2.0, but they
are in the midst of the different evolutionary phases on
the way to quiescent galaxies. While SXDF-NB2315-
7 is in the starburst phase, SXDF-NB209-17 is proba-
bly a similar population to the young quiescent (post-
starburst) galaxies reported by Whitaker et al. (2012).
Such compact star-forming phase appears only at z > 1
and it can be the direct channel to form red nuggets seen
at similar redshifts.

5. FORMATION OF MASSIVE QUIESCENT GALAXIES

We have presented two kinds of curious populations:
galaxies with a nuclear dusty star-forming clump, and
the very compact star-forming nuggets. The fundamen-
tal questions are how they evolve afterwards and what
their descendant galaxies are in the present Universe.
The constant number density method is an useful ap-
proach with which we can link high-redshift galaxies to
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Fig. 9.— The spatial distributions of the HAEs at z = 2.2 (top)
and z = 2.5 (bottom). Green filled circles indicate the HAEs, while
small gray dots show all the objects detected in the narrow-band
images. The contours present the smoothed local number density
of the HAEs (Σ5th =2, 4, 6, 8, 10 Mpc−2).

the local ones (e.g., Leja et al. 2013). As shown in Figure
2, the completeness limit of our survey almost reaches
down to M∗ > 1010 M". The stellar masses of the
HAEs with red clumps and the star-forming nuggets are
M∗ > 1010.5 M" (Figure 2 and Figure 8), which cor-
responds to the number density of n = (5–6) × 10−4

Mpc−3 (Patel et al. 2013). At the constant number den-
sity, their descendants would be massive galaxies with
M∗ > 1011 M" at z ∼ 0, and dominated by red,
quiescent galaxies (Baldry et al. 2004). Moreover, our
HAEs are inhomogeneously distributed and constitute
large scale structures at z > 2 (Figure 9). The galaxies
existing in such overdense regions at high redshifts are
most likely the progenitors of massive, quiescent galaxies
like giant ellipticals in the local clusters/groups, rather
than late-type galaxies dominated in less dense environ-
ments. In this section, we will discuss the evolutionary
paths of our sample of star forming galaxies at high red-
shifts to the massive quiescent galaxies at later epochs.

We present the schematic chart of the two kinds of evo-
lutionary tracks from high-redshift galaxies to local qui-
escent ones in Figure 10. In the numerical simulations,
a gas rich major merger at high redshifts can produce a
massive, compact system (Wuyts et al. 2009; Bournaud
et al. 2011b). Our two star-forming nuggets are likely to
be in the phase of violent starburst or shortly after that.
They would quench star formation subsequently (and be-
come red nuggets), and further evolve from red nuggets
to large quiescent galaxies through a number of dry mi-
nor mergers. By forepast dissipational processes such
as a major merger, they would be dispersion-dominated

The blue nuggets at z=2.2-2.5 are the direct progenitors of red nuggets at z~1-2. 
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面分光による内部構造	
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that this central component in BX482 has ∼20% of the total disk
mass (Genzel et al. 2008; Förster Schreiber et al. 2011a, 2011b).
In either case the absence and/or weakness of emission from
the center has no influence on the analysis we discuss in the
following. Position angles and inclinations are determined as
above. The model data are then convolved with the angular and
spectral resolution profiles and sampled at the observed pixel
scales. The total dynamical mass Mdyn is then varied to achieve
a best-fit match to the observed rotation velocities. To study
the non-axisymmetric motions in a galaxy, the best-fit model
velocity and velocity dispersion maps are subtracted from the
respective observed maps.

We compare these residual maps with Hα surface bright-
ness maps derived from the observed data cubes. Likewise, we
constructed [N ii]/Hα ratio maps from integrated line emission
maps smoothed with a 3 pixel (0.′′15) kernel. We multiplied
these maps with a mask constructed from all pixels with Hα
emission at >3σ significance. We also constructed pixel–pixel
correlation plots of residual velocity dispersion (δσ = σ
(data) − σ (model)) versus Hα surface brightness, and
[N ii]/Hα line ratio versus Hα surface brightness. Before inves-
tigating possible trends in these correlations, we culled pixels
with large δσ or [N ii]/Hα uncertainties. In addition, in the case
of D3a15504 (which has a prominent central bulge, AGN and a
narrow line region), we also removed the nuclear region.

2.3. Determination of Star Formation Rates and Gas Masses

For calculating star formation rates and gas surface densities
from the Hα data, we used the conversion of Kennicutt (1998b)
modified for a Chabrier (2003) IMF (SFR = L (Hα)0/2.1 × 1041

erg s−1). We corrected the observed Hα fluxes for spatially
uniform extinction with a Calzetti (2001) extinction curve
(A (Hα) = 7.4 E(B – V)), including the extra “nebular”
correction (Agas = Astars/0.44) introduced by Calzetti (2001).
We determined E(B – V) from the integrated UV/optical
photometry of the galaxies (row 5 in Table 2). Förster Schreiber
et al. (2009) find that including the extra nebular correction
brings Hα- and UV-continuum-based star formation rates of
z ∼ 2 SINS galaxies into best agreement.

We estimated molecular surface densities (and masses, in-
cluding a 36% helium contribution) from Equation (8) of
Kennicutt et al. (2007), modified for the Chabrier IMF used
here,

log
(

Σmol−gas

M% pc−2

)
= 0.73 log

(
Σstar−form

M% yr−1 kpc−2

)
+ 2.91. (2)

Equation (2) is based on Hα, 24 µm, and CO observa-
tions of M51 and is similar to results for larger samples of
z ∼ 0 SFGs (e.g., Equation (4) in Kennicutt 1998a, and
Figure 4 of Genzel et al. 2010). It has the added advantage
of being based on spatially resolved measurements of the gas to
star formation relation with a similar spatial resolution (0.5 kpc)
as our high-z data and also covering a similar range of gas
surface densities (10–103 M% pc−2). Figure 4 in Genzel et al.
(2010; see also Daddi et al. 2010b) also shows that to within the
uncertainties (of about a factor of two), z ∼ 0 and z ∼ 1–3 SFGs
(with galaxy-integrated measurements of CO luminosities and
SFRs) are fit by the same relation, although the gas masses from
the best fits of Genzel et al. (2010) are ∼20% larger than esti-
mated from Equation (2). In Equation (2) we did not correct the
data for the fraction of Hα emission from outflowing gas (see
Section 3.2). This correction is small, with the exception of the

brightest clumps where gas surface densities may be somewhat
overestimated.

The gas surface densities/masses and star formation rates
estimated from Equation (2) and listed in Table 2 are uncertain
by at least a factor of two to three. In addition to the well-
known issue of how to infer molecular gas column densities/
masses from the integrated line flux of an optically thick
CO rotational line (see the in-depth discussion in Tacconi
et al. 2008 and Genzel et al. 2010), and the question of
whether Equation (2) adequately describes the gas to star
formation relation for the physical conditions on clump scales at
z ∼ 2, there is the important issue of differential extinction. We
will argue in Section 3.2 that the asymmetry of broad Hα/[N ii]
line emission is direct evidence for such differential extinction.
It is unclear, however, what the general impact of the differential
extinction would be on clump scales. One might naively expect
that the effect increases gas column densities/masses relative to
averages on larger scales. However, there are almost certainly
also evolutionary effects, such that in a given aperture there
may be very high dust column densities in both neutral clouds
and H ii regions with relatively low extinction. Such spatial
separations of 300 pc to >1 kpc are seen in nearby spirals, such
as M51 (Rand & Kulkarni 1990), as well as at z ∼ 1 (Tacconi
et al. 2010). As a result, the Kennicutt–Schmidt scaling relation
in Equation (2) may break down or be significantly altered on
small scales (e.g., Schruba et al. 2010 in M33 on !80 pc scales).

2.4. Spatial Distribution of the Toomre Q-parameter

A rotating, symmetric and thin gas disk is unstable to
gravitational fragmentation if the Toomre Q-parameter (Toomre
1964) is !1. For a gas-dominated disk in a background potential
(of dark matter and an old stellar component) Q is related
to the local gas velocity dispersion σ 0 (assuming isotropy),
circular velocity vc, epicyclic frequency κ (κ2 = 4 (vc/Rdisk)2 +
Rdisk d(vc/Rdisk)2/dRdisk), gas surface density Σgas, and radius of
the disk Rdisk via the relation (Binney & Tremaine 2008; Escala
& Larson 2008; Elmegreen 2009; Dekel et al. 2009a)

Qgas = σ0κ

πGΣgas
=

(
σ0

vc

) (
a
(
v2

cRdisk/G
)

πR2
diskΣgas

)

=
(

σ0

vc

)(
aMtot

Mgas

)
=

(
σ0

vc

) (
a

fgas

)
. (3)

Here the constant a takes on the value of 1,
√

2,
√

3, and 2
for a Keplerian, constant rotation velocity, uniform density and
solid body disk; fgas is the gas fraction within Rdisk. If the disk
consists of molecular (H2 + He), atomic (H i + He), and stellar (∗)
components, Qtot

−1 = QH2
−1 + QHi

−1 + Q∗
−1 if all components

have similar velocity dispersions. If there is a (young) stellar
component distributed similarly to the gas, the combined gas
+ young star component will thus have a Qtot that is inversely
proportional to the sum of the gas and stellar surface densities.
In that case fgas should be replaced by the mass fraction fyoung of
that “young” component. Such a disk is unstable (or stable) to
fragmentation by gravity, depending on whether Qtot is less (or
greater) than unity. Equation (3) can be rewritten as

(
σ0

vc

)
=

(
z

Rdisk

)
=

Qfyoung

a
, (4)

where z is the z-scale height of the disk. Gas-rich, marginally
stable disks are thick and turbulent. The largest and fastest
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Hα

σobs

D3a15504 z = 2.39

∆Q < 0.5

Figure 3. Hα Gaussian fit velocities (top left), Hα Gaussian fit dispersion (bottom left), and inferred Toomre Q-parameter (right, Equation (2)) for D3a15504. Shown
in the top center is also the map of Hα-integrated flux from Figure 2. The locations of the main clumps (Figure 1) found in the individual velocity channel maps are
denoted by circles/ellipses. The Hα, velocity, and velocity dispersion maps (resolution 0.′′18 FWHM) were re-binned to 0.′′025 pixels. For construction of the Q-map,
the data were smoothed to 0.′′25 FWHM. The typical uncertainties in the Q-values are ± 0.05 to ± 0.3 (1σ ) throughout most of the disk of D3a15504. Pixels with
∆Q ! 0.5 are masked out.
(A color version of this figure is available in the online journal.)

growing, Jeans-unstable mode not stabilized by rotation is the
“Toomre scale/mass,” given by (Elmegreen 2009; Genzel et al.
2008; Escala & Larson 2008; Dekel et al. 2009a)

RToomre ≈ 0.8Q−1a−2
(

σ0

vc

)
Rdisk

≈ 1
(

fyoung

0.4

) (
Rdisk

5 kpc

)
kpc ∝

σ 2
0

Σgas
and

MToomre ≈ 0.6Q−2a−4
(

σ0

vc

)2

Mdisk

≈ 5 × 109
(

fyoung

0.4

)2 (
Mdisk

1011M&

)
M& ∝

σ 4
0

Σgas
, (5)

where the numerical factors are for a flat rotation curve
(a = 1.4). Gas-rich, marginally stable disks thus should have
much larger and more massive star-forming complexes than
those in z ∼ 0 SFGs with (cold) gas fractions of less than 10%
and larger fractions of stabilizing old stellar disks and bulges.

For the four well-resolved disks/rings, we created maps of
the Toomre parameter Q(x, y). We combined the computed gas
surface density for each pixel (Equation (2)), with the best-
fitting model rotation curve to compute the epicyclic frequency
κ and the velocity dispersion map to calculate Q(x, y) from
Equation (3). We then used different Monte Carlo realizations
and standard error propagations to compute maps of the uncer-
tainties ∆Q.

3. RESULTS

Figures 1 and 2 show velocity channel maps and the integrated
Hα and continuum images for four of the five galaxies. The
integrated Hα image of the fifth galaxy (BX599) is shown in the

top center panel of Figure 8. In this case, we do not have access to
a high-resolution continuum image. The most prominent clumps
are labeled for each galaxy (see the more detailed discussion in
Section 2.2). Tables 2 and 3 summarize the derived physical
properties. A “typical” individual clump within the massive
(M∗ ∼ 1010–1111 M&) BX/BzK galaxies in the SINS survey,
such as an average clump in D3a15504, ZC782941, and BX482,
accounts for a few percent of the UV/optical light of the entire
galaxy, has a current star formation rate of a few solar masses
per year, and a stellar mass of one to a few times 109 M&
(Table 2; Förster Schreiber et al. 2011b and references therein).
The most extreme clumps in BX482 and ZC406690 make up
∼10%–20% of the integrated Hα fluxes, have star formation
rates of 10–40 solar masses per year and masses ∼1010 M&.

3.1. Giant Clumps are the Locations of
Gravitational Instability

As discussed in the Introduction and Section 2.4, a plausible
hypothesis is that the ∼1–2 kpc diameter giant star-forming
clumps in z > 1 SFGs represent the largest/most massive
gravitationally unstable entities in the high-z disks. If this is
indeed the case, an empirical determination of the Toomre
parameter (Equation (2)) as a function of position should show
that clumps and their surroundings have Q ! 1.

Following the methods discussed in the last section,
Figures 3–6 give the Q-maps at a resolution of ∼0.′′22–0.′′25
FWHM for D3a15504, BX482, ZC782941, and ZC406690,
where we have only retained pixels with an rms uncertainty
∆Q < 0.3–0.5. As inputs for our calculations we used the ve-
locity, velocity dispersion, and Hα-integrated flux maps shown
in the left and middle panels of Figures 3–6. The central re-
gions in all four galaxies should be neglected, for the following
reasons. The central few kpc of D3a15504 may be affected by
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Figure 2. Integrated Hα maps in AO mode (0.′′2–0.′′3 FWHM) of the 34 SFGs in our (AO) sample. The top two rows contain the dispersion-dominated SFGs (as
defined by the criterion (∆vgrad/(2 × σtot))seeing ! 0.4 (Förster Schreiber et al. 2009), and the rest are rotation dominated. The maps were interpolated on a pixel scale
of 0.′′025 and are all plotted on the same angular scale. The typical FWHM resolution is shown as a red circle. The dispersion-dominated galaxies tend to be more
compact than the rotation-dominated galaxies with the peak of their Hα emission in the center.
(A color version of this figure is available in the online journal.)

although in some cases it is difficult with the data in hand to
distinguish unambiguously between bright clumps in large disks
and minor merger systems.

Figure 2 immediately shows that the most obvious character-
istic of dispersion-dominated systems is their small size. If we
look at those galaxies with R1/2 ! 3 kpc, then most of these 13
smaller systems fulfill one or several of the kinematic definitions
of dispersion-dominated galaxies as introduced in Section 2.4,

(∆vgrad/(2 × σtot))seeing ! 0.4, (1)

(∆vgrad/(2 × σtot))AO ! 0.4, (2)

vrot/σ0 ! 1. (3)

Comparison of seeing-limited (FWHM ∼ 0.′′56) and AO-scale
(FWHM ∼ 0.′′20) data of the same galaxies shows that the
classification as dispersion or rotation dominated can depend
strongly on angular resolution. This is demonstrated in Figures 3
and 4, which show the velocity and velocity dispersion fields
for Q1623-BX455 and GMASS-2363 in both seeing and AO
modes. As the galaxies are small (R1/2 ∼ 0.′′2), the seeing-
limited data (resolution ∼ 0.′′5) do not resolve them and appear
to confirm their dispersion-dominated classification. However,

with the AO data (resolution ∼ 0.′′2), both galaxies appear to be
inclined rotating disks, based on the first two criteria for rotation
outlined at the end of Section 2 (velocity gradient along the
morphological major axis and peak in velocity dispersion near
the morphological center), yet like most high-z galaxies, neither
exhibit the “spider diagram” required for a more definitive proof.

3.2. Impact of Resolution on Kinematic Classification

In order to explore the impact of instrumental resolution on
the classification (scenario 2 from Section 1) of galaxies as
dispersion or rotation dominated, we used the sample of 34
SINS/zC-SINF galaxies, for which we have both seeing-limited
and AO resolution data, taken with the same instrument and
analyzed with the same tools. We compare the location of these
galaxies in the ∆vgrad/(2 × σtot) versus R1/2 plane in Figure 5
for both seeing-limited data (left panel) and AO data (middle
panel). The shift to higher ∆vgrad/(2 × σtot), and thus more
rotation-dominated classification, with higher resolution data
is clear. We also show our entire sample in the vrot/σ0 versus
R1/2 plane in the right panel.

It is apparent that for all IFU data sets the dispersion-
dominated classification correlates with the intrinsic source
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Figure 1. Maps of individual velocity “channels” of width ∼34 km s−1 in the Hα line of D3a15504 (top row), BX482 (middle two rows), and ZC782941 (bottom row).
The maps are resampled to 0.′′025 per pixel and have a resolution of FWHM ∼ –0.′′18–0.′′25. Velocities relative to the systemic redshift indicated are given in km s−1.
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(A color version of this figure is available in the online journal.)
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km s−1, consistent with the result from the single-Gaussian fit
above. We will use the two-Gaussian fit to determine the CO
luminosity and gas mass in the remaining analysis.

Channel maps of 78 km s−1 width are shown in Figure 2. The
left panel shows the emission at our native resolution (0.′′19),
and the right panel shows the same channels tapered to 0.′′38
resolution in order to increase the signal-to-noise ratio (S/N).
The two outer channels in each case sample the continuum on
either side of the line. The emission first appears in the south
of the plotted field, and it shifts to the north with increasing
frequency. We will analyze the kinematics of the system in
Section 4.1 below.

3.2. Molecular Gas Mass

From the two-Gaussian fit to the spectrum of GN20, we derive
a CO luminosity of L′

CO(2–1) = 1.6 ± 0.5 × 1011 K km s−1

pc2. This implies a molecular gas mass of M(H2) = 1.3 ±
0.4×1011 × (αCO/0.8) M$ (see Table 1) assuming the standard
relationships from Solomon & Vanden Bout (2005). As justified
by Carilli et al. (2010), we assumed thermal excitation for the
extrapolation from CO(2–1) to CO(1–0), and we used a CO-
to-H2 conversion factor of αCO = 0.8 M$ (K km s−1 pc2)−1,
the value typically assumed for ULIRGs and SMGs (Downes &
Solomon 1998; Solomon & Vanden Bout 2005; Tacconi et al.
2006, 2008). In Section 4.1.3 below, we use our dynamical mass
estimate to put constraints on αCO for this system.

4. ANALYSIS

4.1. Dynamical Analysis

4.1.1. Moment Maps

Given the high quality of the data, we created moment
maps by following the typical approach used for H i and CO
observations of nearby galaxies (e.g., Walter et al. 2008; Leroy
et al. 2009). This approach is useful for high-resolution data sets
such as this (0.′′19), where real emission can be resolved out in
a moment map with a single, global S/N cut. To address this
fact, this technique involves using the data, tapered to a lower
resolution (hence recovering more extended emission), as an
additional input. For this purpose, we used data tapered to 0.′′38
resolution. This lower-resolution data cube is used to create
a mask (on a per-channel basis) of the significant emission,
including more diffuse emission. These masks are then used to
blank the higher-resolution data, thereby retaining real, diffuse
emission in the high-resolution data that would have otherwise
been blanked. This standard procedure is the best possible
method to recover diffuse, low S/N emission while retaining
the highest possible spatial resolution.

We used the method described above to create the zeroth
moment (integrated intensity) map, shown in Figure 3 (top
panel). As the masking process is done on a per-channel basis,
the noise in any given pixel in the map is given by

√
N × σchan,

where N is the number of channels that were integrated for
that particular pixel, and σchan is the rms noise per channel.
We used this information to apply an additional S/N cut to the
first moment map (intensity-weighted velocity; Figure 3 lower
panel). In particular, we required S/N > 3 for the first moment
map, since any remaining unmasked noise will have a large
effect on the resulting velocity field. Although some noise is
still present in the outskirts, a clear velocity gradient is apparent
across the disk.

Figure 3. CO(2–1) zeroth (top) and first (bottom) moment maps for GN20 at a
resolution of 0.′′19. The zeroth moment map (i.e., integrated intensity) has a peak
S/N of 6, and the contours shown start at (and are in steps of) 15.5 mJy km s−1.
Contours for the first moment map (i.e., intensity-weighted mean velocity) are
shown for steps of 100 km s−1, with the contour between the green and orange
bands representing the systemic velocity. Positive velocity offsets occur in the
south and are shown in shades of orange and pink.

As a verification of the blanking process described above, we
show unblanked velocity-averaged maps of GN20 in Figure 4
at three different angular resolutions. The left panel has been
tapered to 0.′′38, the middle panel is at the native resolution
(0.′′19), and the right panel uses Briggs weighting with R = −0.5
to reach 0.′′14 resolution (1.0 kpc at z = 4.05). In contrast to
the moment analysis described above, these maps were made
by simply averaging over 780 km s−1 (the region indicated in
Figure 1), without first blanking the noise on a per-channel
basis. The gas distribution appears slightly different than that
seen in the zeroth moment map because the channels without
emission are included in the average. The highest-resolution
map confirms that the emission is not concentrated in just one
or two strong peaks, but rather spread out over a larger area.

The total flux density (averaged over 780 km s−1) in these
velocity-averaged B + D-array maps is 633 ± 67 µJy. For
comparison, the total flux densities in the B-array only (extended
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km s−1, consistent with the result from the single-Gaussian fit
above. We will use the two-Gaussian fit to determine the CO
luminosity and gas mass in the remaining analysis.

Channel maps of 78 km s−1 width are shown in Figure 2. The
left panel shows the emission at our native resolution (0.′′19),
and the right panel shows the same channels tapered to 0.′′38
resolution in order to increase the signal-to-noise ratio (S/N).
The two outer channels in each case sample the continuum on
either side of the line. The emission first appears in the south
of the plotted field, and it shifts to the north with increasing
frequency. We will analyze the kinematics of the system in
Section 4.1 below.

3.2. Molecular Gas Mass

From the two-Gaussian fit to the spectrum of GN20, we derive
a CO luminosity of L′

CO(2–1) = 1.6 ± 0.5 × 1011 K km s−1

pc2. This implies a molecular gas mass of M(H2) = 1.3 ±
0.4×1011 × (αCO/0.8) M$ (see Table 1) assuming the standard
relationships from Solomon & Vanden Bout (2005). As justified
by Carilli et al. (2010), we assumed thermal excitation for the
extrapolation from CO(2–1) to CO(1–0), and we used a CO-
to-H2 conversion factor of αCO = 0.8 M$ (K km s−1 pc2)−1,
the value typically assumed for ULIRGs and SMGs (Downes &
Solomon 1998; Solomon & Vanden Bout 2005; Tacconi et al.
2006, 2008). In Section 4.1.3 below, we use our dynamical mass
estimate to put constraints on αCO for this system.

4. ANALYSIS

4.1. Dynamical Analysis

4.1.1. Moment Maps

Given the high quality of the data, we created moment
maps by following the typical approach used for H i and CO
observations of nearby galaxies (e.g., Walter et al. 2008; Leroy
et al. 2009). This approach is useful for high-resolution data sets
such as this (0.′′19), where real emission can be resolved out in
a moment map with a single, global S/N cut. To address this
fact, this technique involves using the data, tapered to a lower
resolution (hence recovering more extended emission), as an
additional input. For this purpose, we used data tapered to 0.′′38
resolution. This lower-resolution data cube is used to create
a mask (on a per-channel basis) of the significant emission,
including more diffuse emission. These masks are then used to
blank the higher-resolution data, thereby retaining real, diffuse
emission in the high-resolution data that would have otherwise
been blanked. This standard procedure is the best possible
method to recover diffuse, low S/N emission while retaining
the highest possible spatial resolution.

We used the method described above to create the zeroth
moment (integrated intensity) map, shown in Figure 3 (top
panel). As the masking process is done on a per-channel basis,
the noise in any given pixel in the map is given by

√
N × σchan,

where N is the number of channels that were integrated for
that particular pixel, and σchan is the rms noise per channel.
We used this information to apply an additional S/N cut to the
first moment map (intensity-weighted velocity; Figure 3 lower
panel). In particular, we required S/N > 3 for the first moment
map, since any remaining unmasked noise will have a large
effect on the resulting velocity field. Although some noise is
still present in the outskirts, a clear velocity gradient is apparent
across the disk.

Figure 3. CO(2–1) zeroth (top) and first (bottom) moment maps for GN20 at a
resolution of 0.′′19. The zeroth moment map (i.e., integrated intensity) has a peak
S/N of 6, and the contours shown start at (and are in steps of) 15.5 mJy km s−1.
Contours for the first moment map (i.e., intensity-weighted mean velocity) are
shown for steps of 100 km s−1, with the contour between the green and orange
bands representing the systemic velocity. Positive velocity offsets occur in the
south and are shown in shades of orange and pink.

As a verification of the blanking process described above, we
show unblanked velocity-averaged maps of GN20 in Figure 4
at three different angular resolutions. The left panel has been
tapered to 0.′′38, the middle panel is at the native resolution
(0.′′19), and the right panel uses Briggs weighting with R = −0.5
to reach 0.′′14 resolution (1.0 kpc at z = 4.05). In contrast to
the moment analysis described above, these maps were made
by simply averaging over 780 km s−1 (the region indicated in
Figure 1), without first blanking the noise on a per-channel
basis. The gas distribution appears slightly different than that
seen in the zeroth moment map because the channels without
emission are included in the average. The highest-resolution
map confirms that the emission is not concentrated in just one
or two strong peaks, but rather spread out over a larger area.

The total flux density (averaged over 780 km s−1) in these
velocity-averaged B + D-array maps is 633 ± 67 µJy. For
comparison, the total flux densities in the B-array only (extended
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Intensity (CO(2-1))	 Velocity	

Clumpy, rotating gas disk in SMG at z=4.05 (GN20)	

Hodge et al. (2012)	

14 kpc diameter 
Mdyn = 5.4 × 1011 M◉ 
MH2 = 1.3 × 1011 M◉  	
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Figure 6. Zoomed-in CO(2–1) zeroth (left) and first (right) moment maps at 0.′′19 resolution. The clumps in the final clump sample are indicated by the numbered
circles.

321

54

Figure 7. CO(2–1) spectra of five molecular gas clumps in GN20. The spectra have been binned into channels of 39 km s−1. The dot-dashed line shows the observed
coherent velocity at the position of the clump, and the dotted line shows the model coherent velocity. The S/N of the spectra is not very high, but still allows us to
derive approximate line widths for the individual clumps for the first time. The results for individual clumps are summarized in Table 2.

peaks in the integrated map. We also note that, while these
clumps were judged to be the most reliable clumps, they in no
way constitute a comprehensive census of the clumps in GN20.

Spectra for these five clumps are shown in Figure 7, where
the panel numbers correspond to the clump numbers in Figure 6.
Gaussian fits to the spectra are overplotted. The coherent
velocity at the position of each clump is shown in each panel,
and is based both on the model velocity field at lower spatial
resolution (dotted line) and the data velocity field at its native
resolution (dot-dashed line). In general, the clumps are within
∼100 km s−1 of the (observed) coherent velocity at their position
on the disk. The fact that they are not centered exactly on the
observed coherent velocity is due to the presence of other mass
along the line of sight. The model velocity field is based on data
at a lower spatial resolution (0.′′77) and so does worse (generally)
at predicting the clump velocities. While these spectra have low
S/N, they allow us to estimate the properties of individual gas
clumps in a z = 4 galaxy for the first time.

4.2.2. Clump Properties

With this data, we attempt to estimate some basic properties of
the molecular gas clumps. We caution that this analysis is based
on low S/N data and will need to be verified by even higher
sensitivity observations. To begin with, we use the spectral
information to determine brightness temperatures of individual
clumps without diluting the values by averaging in velocity.
Derived brightness temperatures (using the Rayleigh–Jeans
approximation) range from 3.2 to 6.2 K and can be read off
of the right-hand y-axis in Figure 7. After correcting to the rest
frame, values for individual clumps range from ∼16 K up to
31 K (Table 2). For reference, Planck temperatures (i.e., the
temperatures calculated using the full blackbody instead of just
the Rayleigh–Jeans approximation) are typically ∼20% higher.

Since the clumps appear to be unresolved on the scales probed
by our observations (1.3 kpc), the brightness temperature values
are most likely lower limits. Nevertheless, it is interesting to note
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Mclump~ 5 × 109 M◉  each  	



6

Fig. 2.— Same as Figure 1 for galaxy G2 (medium mass). Detailed sequences and movies of our fiducial models are available in Perret
et al. (2013a).

Bournaud et al. (2013)	

Medium-mass galaxy	

2C	

Gas Rich銀河の 
AMR simulation。 
星からのフィードバック 
(光電離、輻射圧、超新星) 
を全て考慮。	

シミュレーションで 
再現される 

遠方のクランプ銀河	

180Myr	 300Myr	

420Myr	

640Myr	 760Myr	

540Myr	

クランプは力学的摩擦 
によって中心に落ちて 
バルジを形成する。 
ガスリッチな状態で落ち 
るので、疑似バルジ的 
（Disky, 回転）。 
 
 
小さい銀河の、小さい 
クランプほど中心に落 
下する前にフィードバック 
で壊されるため、バルジ 
形成への寄与は低い。 
ハッブル系列に沿った 
B/T ratioを説明できる。 
 
 
SMBHにもガスが 
スムーズに供給され、 
AGNの割合が高くなる。 
バルジは不連続進化 
なので、BHとBulgeの 
質量関係の分散が大 
きくなりそう。 Mdyn = 3.5 × 1010 M◉  	
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Fig. 4.— Sequence detailing the continuous formation and rapid dissolution of low-mass clouds, at the middle of the time evolution of
model G2. The snapshot size is 0.8x1.6 kpc, and time is indicated in Myr, with one snapshot every 4Myr. A moderately dense spiral arm,
free of giant clump, forms a first generation of clouds. Two of these clouds are identified with the circular and boxy shapes: they leave
only weak and dissolving knots after 15–20Myr. Other clouds form at different locations, such as the one first indicated with the triangle
at t=532, which again dissolves, leaving a lower-density knot seen at t=556 and unseen at t=600Myr.

Fig. 5.— Zoomed views of gas in the long-lived clump 2C, with an average baryonic mass of 8 × 108 M!. The snapshots show the
mass-weighted average gas density, with one snapshot every 40Myr. Between the third and fourth panels (t=160-200Myr), the clump
accretes another clump (about half its mass), which triggers an increase in its SFR, and a later increase in the local outflow rate (see
Fig. 8); the clump gets a more disturbed appearance but the baryonic potential well in place rapidly re-accretes gas and the clump survives
this local enhancement of the stellar feedback. Another such event, triggered by the accretion of surrounding diffuse gas and small clouds,
occurs between the seventh and eighth panels (t=320-360Myr).
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Fig. 6.— Evolution of the baryonic (gas+stars) mass of clumps
as a function of time for the clumps tracked in the simulations.

used to measure the clump mass), and through a pair of
1 kpc× 1 kpc planar boundaries positioned14 1 kpc above

14 parallel to the initial disk plane

and below the disk mid-plane. In the following we use
the latter measurement, after noticing that the former
definition leads to similar measurements of the outflow
rates from clumps with some additional uncertainty15

(on average 23% higher, with an r.m.s. relative devia-
tion between the two measurements of 37%) . The fact
that these measurements yield similar results indicates
that the outflows are significantly non-isotropic even at
only 1 kpc from the clump centers, as can be seen in the
examples of outflow velocity fields displayed in Figure 7.
The typical outflow rate from the giant clumps in our

simulations is 1–4M! yr−1, and up to 12M! yr−1 during
short episodes, of the order of the star formation rate in
each clump and up to a few times higher. The time evo-
lution of the outflow rate is shown for three individual
clumps on Figure 8. Figure 9 shows the statistical dis-
tribution of the outflow rate to star formation rate ratio
for our main sample and for simulation G’2 using weaker

15 Measurements across the spherical boundary may include dif-
fuse gas that passes next the clump and enters/leaves the boundary.
Hence the choice of the planar boundaries above and below the disk
plan ensures to capture the feedback-induced outflow.
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the latter measurement, after noticing that the former
definition leads to similar measurements of the outflow
rates from clumps with some additional uncertainty15

(on average 23% higher, with an r.m.s. relative devia-
tion between the two measurements of 37%) . The fact
that these measurements yield similar results indicates
that the outflows are significantly non-isotropic even at
only 1 kpc from the clump centers, as can be seen in the
examples of outflow velocity fields displayed in Figure 7.
The typical outflow rate from the giant clumps in our

simulations is 1–4M! yr−1, and up to 12M! yr−1 during
short episodes, of the order of the star formation rate in
each clump and up to a few times higher. The time evo-
lution of the outflow rate is shown for three individual
clumps on Figure 8. Figure 9 shows the statistical dis-
tribution of the outflow rate to star formation rate ratio
for our main sample and for simulation G’2 using weaker

15 Measurements across the spherical boundary may include dif-
fuse gas that passes next the clump and enters/leaves the boundary.
Hence the choice of the planar boundaries above and below the disk
plan ensures to capture the feedback-induced outflow.

Bournaud et al. (2013)	

Clump 2C 
の時系列進化	

Clumpの質量はフィードバック、古い星の散逸、 
潮汐力によるはぎ取りなどによって小さくなるが、 
新たなガス降着によって維持される場合も多い。 
また、軌道によっては、落下に時間がかかる。 
 
その結果、例えば２Cは800Myr経っても健在。 



アウトフロー	



blue wing = outflow	

Gas outflows from clumpy galaxies 
(feedback in action) 

Genzel et al. (2011)	

Hα line profile	

Gas outflow from the star-bursting clump-B (~500km/s) 

どういう質量の銀河で、どこでどのようなフィードバックが見られるか？星形成 or AGN?	
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Figure 1. Lower panel: co-added (pv) diagram for the 10 sources with the best evidence for broad emission, with the vertical (spatial) axis normalized to R1/2. The
black contours show the unnormalized stack, while the colors have been normalized according to the peak Hα flux for each spatial row. The broad emission in light
blue (>200–300 km s−1 from the systemic velocity) is spatially extended (vertical axis) out to at least R1/2. Upper panel: spectra from the inner (R < 0.5 × R1/2, blue,
solid line) and outer (0.5 × R1/2 < R < R1/2, red, dashed line) regions of the galaxies, with the broad fitted components shown by the blue dotted line (inner) and red
dash-dotted line (outer). The inner and outer region spectra have Fbroad/Fnarrow = 1.31 ± 0.075 and 1.13 ± 0.12, with broad-to-narrow component velocity shifts of
−41 ± 5 km s−1 and −33 ± 9 km s−1, respectively. The inset shows the entire Hα line for the inner spectrum (black) with the broad component (blue, dashed) and
narrow component (red, dash-dotted) overplotted.
(A color version of this figure is available in the online journal.)

broad emission is extended and not concentrated toward the
kinematic or morphological center (see Section 3.1), and we
measure [N ii]/Hα ratios that are compatible with the expected
metallicity based on the z ∼ 2 mass–metallicity relation (Erb
et al. 2006) and are too low to be consistent with the presence
of an AGN. In two cases, we trace the origin of the outflows
to individual giant star-forming clumps embedded in the disk
(Genzel et al. 2011; Newman et al. 2012). We note that Genzel
et al. (2011) suggest that the bright emission coming from a
clump in one of our galaxies (ZC407302) could be due to AGN
activity if this clump is an external minor merger, rather than a
star-forming clump formed within the disk. However, there is
no other evidence that this galaxy contains an AGN.

3.1. Outflows are Spatially Extended

The broad emission (FWHM ∼ 450 km s−1) is spatially
extended over the half-light radii (R1/2), which corresponds to a
few kpc in the small galaxies and up to 6 kpc in the larger disks.
This is demonstrated in the lower panel of Figure 1, where we
show a co-added pv diagram of the line emission (large-scale
velocity gradients removed) along the morphological major axis
for the galaxies. Broad emission is detected at least out to R1/2,
and its width between 0.5 × R1/2 and R1/2 (FWHM = 423 ±
19 km s−1) is nearly as broad as within 0.5 × R1/2 (FWHM =
475 ± 12 km s−1). The upper panel of Figure 1 shows that the
emission in the outer regions of the galaxies is almost as broad
as in the inner regions, and implies a constant or decreasing
mass loading with increasing galactocentric radius.

The 10 galaxies used in this co-add (BX455, BX513, BX543,
BX599, SA12-6339, ZC404221, ZC407306, ZC407302,

ZC412369, and ZC415876) are selected such that they have
noticeable broad line wings without the need for stacking and
an absence of OH residuals near Hα. All but one have R1/2 <

3 kpc, and all have ΣSFR > 1 M$ yr−1 kpc−2. However, their
stellar masses and SFRs span the ranges seen in our full sample.
We note that although most of the galaxies from this stack are
small (with R1/2 < 3 kpc), we also observe broad emission from
stacks of larger galaxies that also have ΣSFR > 1 M$ yr−1 kpc−2

(see next section).

3.2. The Broad Flux Fraction is Strongly
Dependent on the SF Surface Density

We explored the dependence of the broad flux fraction on
galaxy properties by dividing the entire sample into two bins
each (low/high) by SFR, stellar mass, size, inclination, and star
formation surface density. We then co-added the spectra in each
of the bins and computed the ratio of the broad-to-narrow Hα
emission. The results are summarized in Table 2.

The star formation surface density has the largest effect
on the broad flux fraction, such that galaxies with ΣSFR >
1 M$ yr−1 kpc−2 drive the strongest outflows, which confirms
and strengthens a similar finding in Genzel et al. (2011). This
result is also consistent with what was observed in z ∼ 0 SFGs
by Chen et al. (2010), where they found a strong correlation
between Na D absorption EW (from SDSS data of ∼100,000
galaxies) and ΣSFR.

In Figure 2, we see the dependence of the broad Hα flux
fraction on ΣSFR from five ΣSFR-binned points as well as three
massive star-forming clumps. The trend seen in Figure 2 can
be well described as a “threshold” for outflows. All of the data
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Table 2
Broad Flux Fraction for High and Low Bins of Different Galaxy Properties

Property Fbroad/Fnarrow (Hα) FWHMbroad (km s−1) ∆vbroad−narrow (km s−1) Significance Dividing

High Bin Low Bin High Bin Low Bin High Bin Low Bin of Difference Value

SFR 0.65 ± 0.074 0.50 ± 0.041 510 ± 12 423 ± 47 −23 ± 4 −21 ± 8 2σ 100 M" yr−1

R1/2 0.50 ± 0.054 0.76 ± 0.082 503 ± 15 432 ± 19 −15 ± 6 −35 ± 6 3σ 3 kpc
ΣSFR 0.77 ± 0.027 0.16 ± 0.030 500 ± 16 423 ± 75 −27 ± 4 −43 ± 23 20σ 1 M" yr−1 kpc−2

Inclination 0.47 ± 0.055 0.77 ± 0.091 510 ± 44 514 ± 12 −39 ± 14 −32 ± 5 3σ 49–55o

m1
∗ 0.63 ± 0.056 0.41 ± 0.042 528 ± 13 423 ± 45 −32 ± 5 −20 ± 8 4σ 1 × 1010 M"

m2
∗ 0.23 ± 0.21 0.12 ± 0.040 423 ± 66 423 ± 80 −28 ± 18 −48 ± 42 0.5σ ”

m3
∗ 0.85 ± 0.097 0.71 ± 0.10 520 ± 11 428 ± 30 −25 ± 4 −13 ± 7 1.5σ ”

Notes. The high/low bins for SFR, m∗, ΣSFR, R1/2, and inclination are divided above and below the value(s) shown in column 9 and have roughly an equal number of
galaxies in each bin. The spectrum from each stack was fit constraining the narrow FWHM to between 190 and 210 km s−1, so that the broad component was not fit
as a very broad narrow component, and allowing the relative velocities of the two components and the broad line width (FWHM) to vary. The best-fit broad FWHM
and the relative velocities for each bin are shown in columns 4–7. For the m∗ bins, (1) is for all galaxies, (2) is for galaxies with ΣSFR < 1 M" yr−1 kpc−2, and (3) is
for galaxies with ΣSFR > 1 M" yr−1 kpc−2.

Figure 2. Dependence of the broad-to-narrow Hα flux ratio on ΣSFR. Upper
panel: stacks in five star formation surface density bins with five to eight
galaxies each. The right vertical axis shows the corresponding mass loading
with the model explained in the text and wind parameters listed in the figure.
The black points are the stacked galaxies and the colored symbols are individual
star-forming clumps. The horizontal error bars for the binned points represent
the range in ΣSFR for the galaxies in each bin. The vertical error bars represent
the rms of the range in Fbroad/Fnarrow values achieved by varying the stacks (for
the binned points) and the measurement error (for the clumps). Lower panel:
co-added Hα+[N ii] spectra of low and high ΣSFR bins with the data in black,
the best fit shown in red, the narrow components shown in blue, and the broad
components shown in green with gray shading.
(A color version of this figure is available in the online journal.)

points with ΣSFR > 1 M" yr−1 kpc−2 have Fbroad/Fnarrow > 0.7,
while all those below this threshold have Fbroad/Fnarrow ! 0.25.
We also compare the spectra and broad component fits for
stacks of galaxies above and below the ΣSFR threshold in the
lower panels of Figure 2. For these high ΣSFR and low ΣSFR
stacks, the two-component fits yield reduced χ2 values of 1.15

and 1.55, respectively, while an imposed single-component fit
yields reduced χ2 values of 16.9 and 3.27, indicating that a
two-component fit is much better in the stack with a higher
Fbroad/Fnarrow ratio, and thus a stronger wind signature, and
somewhat better in the stack with a smaller outflow signature.

The broad flux fraction also varies (to a lesser extent) with
m∗, SFR, R1/2, and inclination such that higher Fbroad/Fnarrow
values, and thus stronger outflows, are observed for massive,
high-SFR, compact, face-on galaxies. We further explore the
m∗ trend by dividing each of the high and low ΣSFR bins into
high and low m∗ bins. Unsurprisingly, we find that both of the
m∗ bins below this threshold show negligible evidence for broad
emission, and both high ΣSFR bins show strong outflows. Above
the ΣSFR threshold, the broad flux fraction is similar or perhaps
somewhat larger in the high m∗ bin. The FWHM of the broad
line is larger for the high m∗ bin (520 ± 11 km s−1 versus 428
± 30 km s−1) and more blueshifted (−25 ± 4 km s−1 versus
−13 ± 7 km s−1). This increase is smaller than a “virial” scaling,
vout ! vesc ∼ vc ∼ m∗

0.33 (Murray et al. 2005; Martin 2005),
which would imply a factor of ∼1.8 in vout between the two
mass bins (log m∗ = 9.85 and 10.61).

The SFR trend is linked to that of m∗, due to the strong
correlation of m∗ and SFR for “main-sequence” SFGs at all
redshifts. The R1/2 trend is likely due to the higher ΣSFR values
for the more compact galaxies. The trend with inclination
supports a bipolar outflow emerging perpendicularly from the
plane of the star-forming disk, consistent with the results of
Kornei et al. (2012, at z ∼ 1), Chen et al. (2010, at z ∼ 0),
Bouché et al. (2012), and Bordoloi et al. (2011; but see Law
et al. 2012).

3.3. Local Electron Density of the Outflow

We estimate the ratio of the [S ii] doublet in the broad and
narrow components for a stack of the galaxy spectra, in order
to constrain the star-forming gas and wind densities. The 14
galaxies used in this stack are selected such that they do not
have strong OH sky features close to the location of the [S ii]
lines and have noticeable broad Hα components. We follow
the fitting method described earlier in the text, except here we
allow the amplitudes of the broad and narrow components in
all nebular lines to vary, as opposed to, for instance, setting
[N ii]/Hα (broad) equal to [N ii]/Hα (narrow). The reduced χ2

of the fit in the region of the Hα line is 1.71 and in the region
of the [S ii] lines is 0.97, while an imposed one-component
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Newman et al. (2012)	

10個の銀河をスタックしたスペクトル	

水色のブロード（アウトフロー）成分 
（Δv>200-300km/s）が、空間的に 
広がっている（>R1/2=2-6kpc）。	

ブロード成分のフラックス比は、 
星形成密度に大きく依存する。 
星形成フィードバックによるアウトフロー。 
 
星形成率がある限界値を超えると、 
ディスクの高密度ガスを突き抜けて 
アウトフローが吹く、と解釈できる。 

急なジャンプ	
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Fig. 10.— Line-of-sight velocity distribution (i.e., synthetic spec-
trum) of clump 2C, observed with a beam 600 pc FWHM, with an
almost face-on orientation of the host galaxy. Top: the system
is shown during its peak of outflow activity after a big gas cloud
was absorbed (see Fig. 5 and 8), the clump spectrum is broadly
irregular with several high-velocity components. Bottom: we show
the system in a calmer phase, 80Myr later, when the mass outflow
rate is marginally higher than the SFR. A double-Gaussian profile
is observed, as in the stacked spectrum for all clumps shown in
Figure 11.

to 109M! at all times. The characteristic stacked spec-
trum displays a narrow component and a broad com-
ponent, well-fitted by the sum of two Gaussians of re-
spective widths 93 and 424km s−1 FWHM. This velocity
widths are close to the circular velocity17, and above the
local escape velocity, respectively, for a normalized clump
mass of 109M!. The best fit for the stacked spectrum is
obtained with 32% of the gas mass in the broad compo-
nent.
We can confirm in our simulations that this broad com-

ponent in the spectrum of clumps corresponds to a gas
outflow, rather than infall. First, they are obtained with
quasi-face-on orientation so there is little fuel for infall
onto clumps along the line-of-sight in our idealized exper-
iments. Second, gas in the broad component has temper-
atures if the 104 − 5× 106K range, indicative of heating
by stellar feedback processes. Third, the broad compo-
nent above ∼ 200 km s−1 typically contains 7×107M! of

17 The FMHW of the narrow component is, in detail, somewhat
lower than the circular velocity, which comes from the fact that
these spectra were obtained for quasi-face-on galaxy orientations,
and the giant clumps tend to be relatively aligned with the galaxy
disk (Ceverino et al. 2012), which reduces the apparent face-on ve-
locity amplitude.

!"## !$"# # $"# "##

#

#%$

#%&

#%'

#%(

)

)%$

*+
,-
.
+,
,-
/0
12
3

456+7895-956:;87<-/=.-,!)3

!"## !$"# # $"# "##

%&!'

%&!(

%&!$

%&!%

%

)*
+,
-
*+
+,
./
01
2

345*6784,8459:76;,.<-,+!%2

Fig. 11.— Median stacked spectrum comprising all the stud-
ied clumps (top: linear scale – bottom: log-scale), after re-scaling
each individual spectrum to the same clump mass (see text).
The stacked spectrum is well fitted by a double Gaussian model
(dashed), according to which the broad component contains 32% of
the gas mass (a significant part of which, but not all, is above the
clump escape velocity), 68% is in the narrow component (bound
to the clump). In our simulations, the gas in the broad component
is hot (≥ 104−5 K), outflowing gas.

gas mass, which is able to escape from a kpc-sized clump
in ∼ 107 yr, consistent with our direct measurements of
outflow rates at a few solar masses per year. This lends
support to the idea that similar broad components in ob-
served spectra of high-redshift giant clumps (e.g. Shapiro
et al. 2009, Genzel et al. 2011, Newman et al. 2012a)
would be most likely attributable to outflows. The ve-
locity of the gas outflowing from the clumps scales with
both clump mass and galaxy mass (Figure 12), with a
tighter relation when considering the entire galaxy mass.
This shows that giant clumps can launch gaseous out-
flows that are rapid enough to escape the galactic poten-
tial well, even in high-mass galaxies. As previously said,
more massive galaxies have more numerous and more
massive clumps, and hence the outflows initiated in the
giant clumps can reach higher velocities there.
It is interesting to note that the observed velocity of

gaseous outflows in Newman et al. (2012a), which are
known to be largely launched by giant clumps (Gen-
zel et al. 2011), scales with galaxy mass, which ap-
pears to be consistent with our results. More gener-
ally, the global properties of the outflows in our simu-
lations (wind velocity, outflow rate compared to SFR,
density range) are quite consistent with existing obser-
vational constraints at z ≈ 0.5 − 2 (Kornei et al. 2012;
Rubin et al. 2013; Martin et al. 2013). These observa-
tions target high-redshift star-forming galaxies indepen-
dent of clumpiness, but as a matter of such these galax-

11

!"#$ !%$ $ %$ "#$ &'$

$

$(&

$('

$(#

$(%

"
)*
+,
-
*+
+,
./
01
2

345*6784,8459:76;,.<-,+!"2

!"## !$## # $## "##

#

#%"

#%&

#%'

#%(

$

$%"

$%&

)*
+,
-
*+
+,
./
01
2

345*6784,8459:76;,.<-,+!$2

Fig. 10.— Line-of-sight velocity distribution (i.e., synthetic spec-
trum) of clump 2C, observed with a beam 600 pc FWHM, with an
almost face-on orientation of the host galaxy. Top: the system
is shown during its peak of outflow activity after a big gas cloud
was absorbed (see Fig. 5 and 8), the clump spectrum is broadly
irregular with several high-velocity components. Bottom: we show
the system in a calmer phase, 80Myr later, when the mass outflow
rate is marginally higher than the SFR. A double-Gaussian profile
is observed, as in the stacked spectrum for all clumps shown in
Figure 11.

to 109M! at all times. The characteristic stacked spec-
trum displays a narrow component and a broad com-
ponent, well-fitted by the sum of two Gaussians of re-
spective widths 93 and 424km s−1 FWHM. This velocity
widths are close to the circular velocity17, and above the
local escape velocity, respectively, for a normalized clump
mass of 109M!. The best fit for the stacked spectrum is
obtained with 32% of the gas mass in the broad compo-
nent.
We can confirm in our simulations that this broad com-

ponent in the spectrum of clumps corresponds to a gas
outflow, rather than infall. First, they are obtained with
quasi-face-on orientation so there is little fuel for infall
onto clumps along the line-of-sight in our idealized exper-
iments. Second, gas in the broad component has temper-
atures if the 104 − 5× 106K range, indicative of heating
by stellar feedback processes. Third, the broad compo-
nent above ∼ 200 km s−1 typically contains 7×107M! of

17 The FMHW of the narrow component is, in detail, somewhat
lower than the circular velocity, which comes from the fact that
these spectra were obtained for quasi-face-on galaxy orientations,
and the giant clumps tend to be relatively aligned with the galaxy
disk (Ceverino et al. 2012), which reduces the apparent face-on ve-
locity amplitude.
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Fig. 11.— Median stacked spectrum comprising all the stud-
ied clumps (top: linear scale – bottom: log-scale), after re-scaling
each individual spectrum to the same clump mass (see text).
The stacked spectrum is well fitted by a double Gaussian model
(dashed), according to which the broad component contains 32% of
the gas mass (a significant part of which, but not all, is above the
clump escape velocity), 68% is in the narrow component (bound
to the clump). In our simulations, the gas in the broad component
is hot (≥ 104−5 K), outflowing gas.

gas mass, which is able to escape from a kpc-sized clump
in ∼ 107 yr, consistent with our direct measurements of
outflow rates at a few solar masses per year. This lends
support to the idea that similar broad components in ob-
served spectra of high-redshift giant clumps (e.g. Shapiro
et al. 2009, Genzel et al. 2011, Newman et al. 2012a)
would be most likely attributable to outflows. The ve-
locity of the gas outflowing from the clumps scales with
both clump mass and galaxy mass (Figure 12), with a
tighter relation when considering the entire galaxy mass.
This shows that giant clumps can launch gaseous out-
flows that are rapid enough to escape the galactic poten-
tial well, even in high-mass galaxies. As previously said,
more massive galaxies have more numerous and more
massive clumps, and hence the outflows initiated in the
giant clumps can reach higher velocities there.
It is interesting to note that the observed velocity of

gaseous outflows in Newman et al. (2012a), which are
known to be largely launched by giant clumps (Gen-
zel et al. 2011), scales with galaxy mass, which ap-
pears to be consistent with our results. More gener-
ally, the global properties of the outflows in our simu-
lations (wind velocity, outflow rate compared to SFR,
density range) are quite consistent with existing obser-
vational constraints at z ≈ 0.5 − 2 (Kornei et al. 2012;
Rubin et al. 2013; Martin et al. 2013). These observa-
tions target high-redshift star-forming galaxies indepen-
dent of clumpiness, but as a matter of such these galax-
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シミュレーションにみるアウトフロー	

アウトフローのピーク期	

80Myr後の落ち着いた時	

クランプ 
２C	

メジアンスタック 
したスペクトル	

linear-scale	

log-scale	

ダブル・ガウシアン 
でフィットされる。 
ブロード：ナロー 
＝32:68 (gas mass)	

ブロード成分のガス 
は104-5Kと高温	クランプ 

２C	
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Fig. 12.— Outflow velocity for each clump, measured as the av-
erage FWHM of the broad spectral component for each individual
clump (spectra are extracted every 40Myr and stacked), as a func-
tion of galaxy mass (top) and average clump mass (bottom). The
open symbols are for model G’2.

ies are generally very gas-rich, violently unstable, with
significant clumpiness in 50–70% of cases in the optical
and near-infrared (Elmegreen et al. 2007, Mozena et al.
in preparation, Guo et al. in preparation). Our simula-
tions are even consistent with the observed dependance of
outflow velocities on galactic mass (Bordoloi et al. 2013).
Hence our feedback model produces realistic outflows, al-
though the outflow velocity or mass loading are not im-
posed a priori in our feedback modeling, and indicates
the star-forming clumps can be efficient launching sites
for the outflows without being rapidly disrupted.

3.3. Dynamical loss of aged stars

The release of material by a clump is not limited to gas
outflows. Tracking individual star particles throughout
the simulations, we actually measure that a large fraction
of stars captured by a clump during its initial collapse, or
formed in-situ in the clumps, can gradually escape from
the clump in a few 108 yr.
Independently from any feedback-driven gas outflows,

it was already noted by Elmegreen et al. (2005) that
typical clumps are not tightly bound compared to the
tidal field of their host galaxy, with densities only a fac-
tor ten above the limiting tidal density, so that their
outer parts could be significantly affected by tidal strip-
ping. Previous simulations did find that stars formed
in a clump can gradually escape the clump because of

their increasing velocity dispersions over time and be-
cause of the galactic tidal field (see for instance BEE07),
and the released stars were proposed to fuel the thick disk
(Bournaud et al. 2009). The same effect is present in our
simulations, in somewhat larger proportions, presumably
because the gas outflows both regulate the growth of the
clump mass and increase the stellar escape rate from the
shallower local potential well.
To quantify the dynamical loss of stars by clumps, we

measure the mass of stars present in the clump at a given
time and that have left the clump later-on18. The fact
that the obtained quantity is always positive confirms
that it corresponds to the loss of in-situ material and is
not significantly affected by chaotic entry and escape of
stars formed elsewhere. This typical “stellar loss rate”
is 0.2–2M! yr−1 for giant clumps, somewhat lower but
of the order of their internal star formation rate. The
clumps can release aged stars almost at the rate at which
they form new stars.

To quantify the effect on the observable stellar ages
of the clumps, we examine relatively old clumps in our
simulations. For each of the eight clumps tracked in our
fiducial runs, we “observe” it at the last snapshot be-
fore it enters the central kiloparsec, i.e. at a relatively
advanced stage – the idea being that young clumps can-
not have their stellar content severely affected by the
long-term loss of stars. The “aged clumps” picked this
way have ages ranging from 230 to 730Myr, on average
400Myr. Then, for each of these clumps, we identify
the stars that have formed in the clump at any time,
independently of their final location. We find that the
median age of stars that have formed in a given clump is
about half of the real age of the clump (Figure 13, dashed
curves). This is because the clumps maintain a relatively
constant star formation history owing to external gas ac-
cretion. Then, we identify the stars that are present in
each clump at the “observed” time, and we find that be-
cause a higher fraction of aged stars have escaped from
the clump, the median age of stars lying in a clump is
less than half of the real age of the clump (Figure 13,
solid curves). Our sample of “aged clumps” have a me-
dian real age of 420Myr (ranging from 230 to 730Myr),
but the age of the stars that they contain has a median
of 150Myr (ranging from 120 to 210Myr).
Of course the effect is weaker for younger clumps. We

show in Figure 14 the median age of the stellar popula-
tions contained in a clump as a function of the real clump
age, as gathered from our entire sample. The median age
of stellar populations saturates around 200Myr even for
older clumps, because the non-declining star formation
rate is comparable to the gradual dynamical loss of older
stars. Note that clumps do capture pre-existing stars
during their initial collapse, as expected for a two-fluid
instability (Fellhauer et al. 2006; Elmegreen 2011), and
thus very young clumps can have a median stellar age
older than the clump itself, as also seen in Figure 14.

18 We subtract from this quantity the mass of stars lying out-
side the clump at the former instant and found in the clump and
the latter one, which means that the measurement is corrected for
potential rapid entry/re-escape of pre-existing background stars
from the large-scale disk, which is found to be a relatively minor
quantity.

Bournaud et al. (2013)	

シミュレーションにみるアウトフロー	

アウトフロー速度は、個々のクランプの 
質量より、銀河全体の質量と、より強く 
相関する。 



輝線診断	



＃ Low mass の金属量→高密度環境特有のサイクリン
グの影響
1. [OIII]/H!比と金属量(N2O3)に相関
2. USSとPKSのLow mass で0.5dexも違う→PKSで
ICMの重元素汚染が進んでいる事を示唆
3. PKS にもっとLAEがいたはずなので、比較のためそ
れらもターゲットに入れると良いかも
4. logMs~11 のデータが欠乏している

PP04(N2O3)

LAE

Newman+以外は質量で減光補正

Shimakawa et al., in prep.	

[OIII] strong 
galaxies in two 
proto-clusters 

at z>2	

SDSS 
SFGs	

PKS1138	

USS1558	

[OIII]	 Hα	

[OIII]/Hα ratios of high-z SFGs 
 are higher than local galaxies. 

 
The ratio is higher for 1558 than 1138, 

 suggesting that 
1558 is a younger system than 1138.	lo

g 
[O

III
]/H
α	

(d
us

t c
or

re
ct

ed
)	

Preliminary	



known AGN AGN? 

Newman et al. (2013)	

銀河全体を積分	 銀河の内部を分解	

z~２星形成銀河のBPTダイアグラム	

[OIII]/Hβ 比が高い傾向	 中心はAGNの影響が大きい傾向	
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Figure 1. The [N II]/Hα versus [O III]/Hβ optical diagnostic diagram for the Sloan Digital Sky Survey galaxies analyzed by Kewley et al.
(2006b). Left: The colored curves show our new theoretical stellar population synthesis and photoionization model grid for star-forming
galaxies based on a κ electron temperature distribution. Right: The red solid curve shows the mean star-forming sequence for local galaxies.
The shape of the red solid curve is defined by our theoretical photoionization models, while the position is defined by the best-fit to the
SDSS galaxies. The ±0.1 dex curves (dashed lines) represent our model errors and contain 91% of the SDSS star-forming galaxies.

(2) The Hayashi track shifts to hotter effective temper-
atures at low metallicities, enabling metal-rich massive
stars to maintain a higher effective temperature com-
pared with metal-poor stars of similar spectral types
(Elias et al. 1985; Levesque et al. 2006).
(3) Low metallicities correspond to lower mass loss

rates, allowing low metallicity stars to remain on the
main sequence for longer timescales (Meynet et al. 1994;
Maeder & Conti 1994).
(4) In isolated stars, rotational mixing causes heavy

mass loss. This mass loss produces bluer colors in the
red supergiant phase, lowering the mass limit required
for a star to enter the Wolf-Rayet phase (Levesque et al.
2012). Thus, a population of rotating massive stars will
contain a larger fraction of hot, massive stars to con-
tribute ionizing photons to the stellar radiation field.
This rotational hardening is a function of metallicity,
with more significant hardening in metal-poor environ-
ments (Leitherer 2008).
(5) In binary stars, efficient mass-transfer can spin-up

the rotation of the companion star, causing similar mix-
ing effects as in rotating isolated stars (de Mink et al.
2009; Eldridge & Stanway 2012). Whether a rapidly ro-
tating star can spin down depends on stellar winds, which
are weaker at low metallicities due to metal opacity. Ro-
tation and binarity are not yet included in stellar popu-

lation synthesis models for a range of metallicities.
A hard ionizing radiation field can also be produced

by contamination from an active galactic nucleus or ra-
diative shocks. Slow shocks (100-200 km/s) associated
with galactic-scale winds have been observed both locally
(Rich et al. 2010, 2012) and at high redshift (Yuan et al.
2012). We address these two possibilities in Section 4
and Section 5.1.
It is unclear whether high redshift star-forming galax-

ies have a harder radiation field than local galaxies at
the same metallicity. If a harder ionizing radiation field
exists in high redshift galaxies, both the [O III]/Hβ and
[N II]/Hα line ratios will be affected. A larger fraction of
photons with energies above the ionization potentials of
[N II] and [O III] will raise the [N II]/Hα and [O III]/Hβ
line ratios because there are more photons available to
ionize nitrogen and oxygen. The [O III] emission-line is
substantially more sensitive to the hardness of the EUV
ionizing radiation field than [N II] because the difference
in ionization potentials is large (35eV c.f. 14.5eV). In
Figure 2, we illustrate the effect of raising the hardness
of the ionizing radiation field in galaxies along the local
abundance sequence (orange dashed line). The harder ra-
diation field moves the entire abundance sequence above
and to the right on the BPT diagram. A harder ionizing
radiation field could account for part (or all) of the large

BPT diagram 
(line diagnostic)	
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[N II]/Hα and [O III]/Hβ ratios seen at high redshift.
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Figure 2. An illustration of the effect of varying different galaxy
parameters on the star-forming galaxy abundance sequence in the
[N II]/Hα versus [O III]/Hβ diagnostic diagram. The original SDSS
star-forming galaxy sequence is well-fit by the red theoretical curve.
Raising the hardness of the ionizing radiation field (orange dashed
line) moves the abundance sequence towards larger [N II]/Hα and
[O III]/Hβ ratios. A similar effect is seen when the electron den-
sity of the gas is raised (green dot-dashed line). The relationship
between ionization parameter, metallicity and the [N II]/Hα and
[O III]/Hβ line ratios is more complex. At high metallicities, rais-
ing the ionization parameter causes the [N II]/Hα ratio to become
smaller, while [O III]/Hβ is largely unaffected. At low metallicities,
raising the ionization parameter raises the [O III]/Hβ ratio while
[N II]/Hα is largely unaffected.

3.2.2. Geometrical distribution of the gas

The geometrical distribution of the gas around the ion-
izing source can be changed by shocked stellar winds.
Stellar winds clear ionized gas from the interior of an H II

region. Because highly ionized species, such as [O III],
form preferentially at the inner radii of H II regions,
shocked stellar winds will lower the effective ionization
parameter of the nebula (Yeh & Matzner 2012).
Our theoretical photoionization models assume a uni-

form medium, where the geometrical distribution of the
gas is approximated by a volume filling factor. In reality,
H II regions may be clumpy and porous. Ultracompact
H II regions in the Milky Way contain a porous interstel-
lar medium (Kurtz et al. 1999; Kim & Koo 2001). Ra-
dio observations indicate that young H II regions in low
metallicity galaxies also have a clumpy and porous dis-
tribution of gas (Johnson et al. 2009). A clumpy, porous
medium allows some ionizing photons to escape the neb-
ula without being absorbed by the interstellar gas. In
this scenario, the effective ionization parameter may be
lowered, depending on the escape fraction and the optical
thickness of the porous medium.
Our models are calculated for radiation-bounded H II

regions. In the radiation-bounded scenario, the model

finishes when hydrogen is completely recombined. If H II

regions are density bounded (i.e. the H II region den-
sity is sufficiently low that the stars can ionize the entire
nebula), the [O III] ionization zone is likely to be largely
unaffected, but the [N II] excitation and Hydrogen re-
combination zones may be shortened. Therefore, the
[O III]/Hβ ratio may be larger, while the [N II]/Hα ratio
will be similar to or smaller than observed in a radiation-
bounded nebula. Since the [O II] zone is shorter in a
density-bounded nebula, the [O III]/[O II] ratio becomes
larger. If radiation-bounded models are applied to such
nebulae, then the larger [O III]/[O II] line ratio would be
interpreted as a high ionization parameter.
Detailed ionization parameter mapping of the H II

regions in nearby galaxies can constrain whether the
H II regions are radiation bounded or density bounded.
A mixture of radiation-bounded and density-bounded
H II regions have been observed in the local group
(Pellegrini et al. 2012). Nakajima et al. (2012) suggest
that Lyman-α emitters at high redshift contain density-
bounded H II regions. It is unclear whether density-
bounded nebulae are common in normal star-forming
galaxies, either locally or at high redshift.
The geometrical distribution issues described above

can be considered in terms of an effective ionization pa-
rameter. We discuss the effect of changing the ionization
parameter on the [N II]/Hα and [O III]/Hβ line ratios in
Section 3.2.5.

3.2.3. The Metallicity Range of Galaxies

The spread in metallicity across a galaxy sample de-
termines the length of the star-forming abundance se-
quence. Galaxy samples that span a small range of
metallicities occupy only a portion of the star-forming
abundance sequence. For example, interacting or merg-
ing galaxies typically have lower central metallicities
due to large-scale gas infall (Kewley et al. 2006a, 2010;
Rupke et al. 2010b; Ellison et al. 2010; Rich et al. 2012;
Scudder et al. 2012). On the other hand, low metallicity
galaxies, such as blue compact dwarfs, occupy the high-
est positions (lowest metallicities) on the star-forming
abundance sequence (Levesque et al. 2010).
The metallicity range of high redshift galaxies is un-

known. Samples selected from rest-frame blue colors or
the Lyman break may be missing a population of faint,
low metallicity galaxies and a population of dusty, metal-
rich star forming galaxies. Gravitationally lensed sam-
ples probe fainter galaxy samples and a broader range
of metallicities, within current instrumentation detection
limits (see Figure 5 in Yuan et al. 2012, for a compari-
son of current instrumentation detection limits for lensed
and non-lensed samples).

3.2.4. The Electron Density

In an isobaric density distribution, the density is de-
fined in terms of the ratio of the mean ISM pressure, P ,
and mean electron temperature, Te, through ne = P

Tek
.

For an ionized gas, the electron temperature is ∼ 104 K
and the density is simply determined by the ISM pres-
sure.
The SDSS abundance sequence is fit by our pho-

toionization models with an electron density of ne =
10− 102 cm−3, typical of local H II regions (Osterbrock

Kewly’s recent model (2013) suggests: 
 low metallicity and/or large sSFR and/or large density?	



AGN contribution	

Hayashi et al. (2011)	

intermediate !	

[OII] emitters in XCS2215 cluster (z=1.46)	

AGN contribution is an issue for the red [OII] emitters at z~1.5	

Star-forming	

AGN	
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まとめ	

•  Main Sequence & Fundamental Relationの分散
は銀河の進化段階(fgas)＆星形成モード(SFE)が支配    

•  Gas rich, turbulent, but rotational disk at z>2  
•  cold accretion à clump fragmentation à clump 

migration à pseudo-bulge formation à SMBH 
growth のシナリオは十分成立（メインモード？） 

•  星からのフィードバックによるアウトフロー 
•  遠方星形成銀河は高電離、高励起 
　（重元素量が低い、比星形成率が高い、電子密度が高い） 


